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Abstract. We consider the physical characteristics and dynamics
of the gaseous envelopes of hot Jupiters (HJs) — gas giants
with a mass comparable to Jupiter’s and a semi-major axis of
less than 0.1 a.u. Although HJs were discovered almost a
quarter of a century ago, many issues about their origin
remain open. There are two reasons for the scientific interest
in HJs. The first is the absence of such planets in the Solar
System, which is challenging in all cosmogonical theories. The
second is that the exoplanet atmospheres’ characteristics can
now be derived primarily for transit HJs by examining their
absorption spectra. Thanks to their large size, such planets
can be readily observed, as opposed to others, and their tran-
sits can be observed at much higher orbital inclinations. Com-
paratively recently, in at least some HJs, extended gas
envelopes far exceeding their Roche lobes have been found.
The paper focuses on the results of theoretical investigations
and numerical modeling of the dynamics of HJ envelopes. We
also discuss experimental testing of the obtained results and
predictions using the planned Russian Spectrum-UV (inter-
national name: WSO-UYV) and Millimetron space telescopes.
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1. Introduction

The presence of planets around distant stars was hypothe-
sized quite long ago. However, for a long time, observational
capabilities were insufficient to detect them. Partially,
successful searches were hampered by the generally recog-
nized notion of the Solar System’s ordinary nature, suggest-
ing a hunt for long-period planets around solar-type stars.
Nevertheless, one of the first planets, 51 Peg b, discovered in
1995[1], had entirely unexpected parameters: a mass of about
half of Jupiter’s and a very short orbital period of four days,
meaning its distance to the host star was one seventh that
from Mercury to the Sun. Later on, many similar objects were
discovered around different stars. As a result, they were
commonly dubbed hot Jupiters (HJs).

The discovery of HJs became a challenge for planetary
cosmogony. Indeed, commonly accepted cosmogonical
theories [2-5] predict the formation of giant planets only in
high orbits where they can accrete sufficient matter before
protoplanetary disk dissipation. Subsequently, according to
these theories, giant planets continue revolving in the same
orbits, explaining the Solar System’s observed structure. To
explain the origin of HIJs, several hypotheses have been
proposed. They can be subdivided into three groups: (a) the
formation of HJs directly in low orbits; (b) the migration of
gas giants formed beyond the snow line to low orbits due to
the interaction with a gas-dust protoplanetary disk; (c) the
tidal capture of gas giants by a host star to highly eccentric
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orbits (see, e.g., recent reviews [6—8]). Unfortunately, despite
the quarter of a century since the discovery of the first
HJ, there is no consensus as to their principal or preferable
formation mechanism as yet. Each proposed hypothesis
has its advantages and limitations. For example, group (a)
hypotheses are supported by many HJs with low inclination
circular orbits. However, by assuming that future HJs are
super-Earths accreting matter from the protoplanetary disk
(see, e.g., [9]), their formation demands very high surface
densities of the solid fraction in the inner disk parts. This
contradicts both observations (albeit quite limited) and theor-
etical models of protoplanetary disks. The migration caused
by the interaction with the protoplanetary disk (group b) and/
or other massive planets (group c) is supported by many HJs
in elliptical high-inclination orbits. In addition, the migration
in the disk (group b) enables us to understand the observed
distribution of orbital periods of gas giants [10], and the tidal
migration (group c) explains the absence of small planets near
HJs and HJs in mildly eccentric orbits [6]. At the same time,
to implement group b mechanisms, specific disk properties
should be sustained that, in turn, contradict the observed
population of other exoplanets. For group ¢ mechanisms
to operate, a planetary system should have a particular
architecture, which (with the current statistics) is also not
always supported by observations. Clearly, further progress
in studying the cosmogony of planetary systems with HIs
requires the accumulation of observations and the develop-
ment of theoretical models. One possible research avenue
includes studying the physical and chemical properties of the
atmosphere and gas envelopes of hot Jupiters, enabling us to
find additional indications of the HJ formation place in a
planetary system.

As of the time of writing (April 2020), the database http://
exoplanet.eu includes about 500 reliable objects with a mass
> 0.25 My, and a semimajor axis < 0.1 a.u., enabling their
classification as HJs. Nearly half of them have zero orbital
eccentricity; maximal eccentricity exceeds 0.5. Photometric
radii of most HJs fall within the range of (1—2) Ry, (see
Fig. 1); however, several planets have much smaller radii
(downto < 0.1 Rjyp). Also, two planets with a mass of several
dozen Jupiters were found to have much larger radii, ~ 5 and
~ 6 Rjyp.

There are two reasons for the scientific interest in HJs.
First, there are no HJ analogues in the Solar System; hence,
there is an opportunity to test cosmogonical theories. Second,
detailed characteristics of exoplanet atmospheres can now be
derived from observations of HJs only. The fact that there are
many known HJs and observing them is comparatively simple
make them attractive objects for studies. Many known HJs
exhibit transits, making it possible to get information on their
form and envelope composition from their light curves and
spectral data.

The first observations of transiting HJs yielded unexpected
results. For example, the disk of the planet HD 209458b can
block only 1.8% of stellar light during an eclipse, but in the
Ly-a line, the eclipse can attain 15% [11, 12]. Later, a similar
effect was observed in C, O, and Si lines [13—15]. Moreover, in
many HlJs, the eclipse in lines starts much earlier and ends
much later than in the continuum [16, 17]. These features
suggest the presence of very extended gas envelopes around
HJs. Their size significantly exceeds that of the atmosphere,
and the envelopes should intensively interact with the host
star, the stellar wind, and the planet itself, offering a unique
opportunity to explore these objects.
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Figure 1. Mass —radius diagram for exoplanets with masses > 0.01 Mjy,
and semi-major axes < 0.1 a.u. HJs (with masses > 0.25 M) are shown
by grey dots.

Since their discovery, extended envelopes of HJs and the
structure of the outer layers of these exoplanets have been
carefully investigated. For example, paper [18] showed that
the main factor determining the atmospheric structure of
HJs is extreme ultraviolet and soft X-ray heating from the
host star. Subsequent aeronomic models studied the struc-
ture and chemical processes in the atmosphere in detail
and revealed the main components absorbing radiation
[19-22]. More complicated models were developed later,
taking into account both magnetic fields [23-25] and kinetic
processes [26, 27]. Already, the first papers revealed that the
standard definition of atmosphere as a region extending up
to the exobase, where the Knudsen number becomes approx-
imately equal to one, becomes hardly applicable in this case.
Indeed, the strong heating leads to the atmosphere expanding
beyond the Roche lobe (the Hill sphere, in other words). The
presence of a nearby star results in gas outflow and the
formation of a gas cloud with a high density (low Knudsen
numbers) but weakly gravitationally bound to the planet.
These facts enabled researchers to recognize that HJs possess
so-called gas envelopes extending from the exobase to the
interstellar medium, in addition to the proper atmosphere.
Subsequently, based on gas-dynamical calculations [28, 29],
extended envelopes of HJs were shown to belong to one of
three types: closed, when the envelope lies entirely inside the
Roche lobe, quasi-closed, when the envelope is stabilized by
the dynamical pressure of the stellar wind far beyond the
Roche lobe, or open, when the outflow from the atmosphere
cannot be stopped. In a quasi-closed atmosphere, the mass-
loss rate is approximately equal to that of a closed atmo-
sphere, sustaining the envelope for a long time.

The presence of asymmetric extended envelopes around
HlJs is supported by observations from the Hubble Space
Telescope (HST). For example, observations of WASP-12b
[16, 30] indicate an early start of the near UV eclipse at phase
¢ ~ 0.92, whereas the optical eclipse starts at phase ¢ ~ 0.94.
The early eclipse suggests absorbing matter present in front of
the planet at distances up to several planet radii. Observations
of WASP-12b in 2013 [31] revealed an even more complex
character of the planetary atmosphere. The HST COS (Cosmic
Origins Spectrograph) spectroscopic data demonstrated an
eclipse much earlier than at phase ¢ ~ 0.92, starting at phase
¢ ~ 0.83, corresponding, in fact, to the beginning of observa-
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tions. A noticeable UV absorption of stellar emission starting
from phase ¢ ~ 0.83 was also noted in paper [30]. Thus, it
can be stated that both theoretical studies and observations
provide evidence of the presence of large asymmetric gas
envelopes around hot Jupiters, which can be quasi-closed and
quasi-stationary or open (nonstationary).

Note that hot Jupiters, in addition to extended envelopes,
demonstrate several other intriguing features:

o the extended atmosphere and gas envelope leads to the
formation of a large transitional region (part of the atmo-
sphere where the Knudsen numbers are of the order of one),
bringing about a much more important role for nonthermal
processes in the physics of HJ atmospheres;

e the close distance to the star means that the planets are
inside the region where tidal forces are strong. As we know
from close binary star research, this can lead to Roche lobe
overflow by the atmosphere and gas outflow through the
vicinity of the libration points. The supersonic stellar wind
and orbital motion of the typical HJ lead to the formation of a
bow shock and the appearance of many features in the gas
dynamics of HJ envelopes;

e thanks to the star’s close location, such planets are
located inside the stellar strong magnetic field, which can
significantly affect the envelope dynamics, even if the proper
planetary magnetic field is weak;

e gas envelopes of hot exoplanets must be heavily
subjected to the host star’s flares and coronal mass ejections.
Considering that the envelopes of these planets have large
sizes and are weakly bound gravitationally, stellar activity
should significantly affect the envelope dynamics and evolu-
tion.

In the present paper, we summarize the main results of
studies of HJ gas envelopes taking into account the above
features. The paper consists of four sections reviewing specific
physical phenomena determining characteristics of atmo-
spheres and envelopes of HJs. Section 2 considers aeronomic
models of HJ atmospheres and their interaction with stellar
wind particles. Section 3 describes gas-dynamical models of
HJ envelopes. Section 4 considers the effects of the proper
magnetic field and stellar wind magnetic field on the HJ
envelope properties. Section 5 describes the effects of stellar
activity on the HJ envelope dynamics. The Conclusion
(Section 6) briefly summarizes the main results and discusses
the possibility of observing the effects reported in the paper
using existing and future ground-based and space telescopes.

2. Upper atmospheres of hot Jupiters

The rapidly growing number of exoplanets has stimulated
present studies of the physical and chemical evolution of
planetary atmospheres. Observations of exoplanets provide
new grounds for planetary cosmogony and enable investigat-
ing their evolution with the help of modern aeronomic models
of exoplanetary upper atmospheres.

In an exoplanetary upper atmosphere, two regions can
be distinguished: the thermosphere and exosphere, shown in
Fig. 2 for Jupiter in the Solar System. The thermosphere is
located above the homopause above which turbulent mixing
is small, and partial atmospheric height scales characterize the
height distribution of the principal components. In the
thermosphere, the temperature increases due to the direct
absorption of stellar short-wavelength radiation by rarefied
gas above the temperature minimum at the upper mesosphere
boundary (mesopause) lying below. In addition to heating by
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Figure 2. (a) Number density height profiles of molecular hydrogen (solid
line), atomic hydrogen (dashed line), and helium (dashed-dotted line) in
the Jovian atmosphere according to model [32]. (b) Atmospheric gas
temperature height profile. The height is in units of Jupiter’s photometric
radius. Also shown are two main atmospheric regions: the thermosphere
and the exosphere, separated by the conventional boundary, the exobase
(horizontal dotted line).

stellar extreme UV radiation, the thermosphere structure and
dynamics are also controlled by the IR heating of its lower
layers, radiative and collisional cooling, energy dissipation of
gravitational and planetary waves, thermal tides, and the
precipitation of charged particles [33-35]. Particle collisions
occur in the thermosphere but are virtually absent in the
exosphere (also referred to as the planetary corona) lying
above. The exosphere is separated from the thermosphere by
the exobase, above which molecules and atoms can travel
the distances of planetary scale with a low collision prob-
ability. At such altitudes, particles with energies exceeding
their gravitational attraction energy and streaming along
ballistic trajectories can escape into outer space. The exobase
is determined as the scale at which the atmospheric height
scale becomes comparable to the microscopic scale— the
mean free path of particles between collisions. Correspond-
ingly, above the exobase, only a very limited number of
collisions occur, and from the viewpoint of kinetic theory of
gases, any particle from this zone can leave the planetary
atmosphere [36, 37].

A high particle velocity at the exobase level can be
achieved in different physical processes. It is determined, in
the first place, by the upper atmosphere temperature control-
ling thermal escape. The fraction of particles escaping from
the atmosphere is regulated by the local temperature varying
in space and time. If the atmosphere near the exobase is in
hydrostatic equilibrium, the local velocity distribution of
particles is Maxwellian, and the process is called ‘Jeans
escape’ (or evaporation). The relation between the gravita-
tional and kinetic energies at this level is referred to as the
‘Jeans escape parameter.’” If this parameter is close to one,
the planet’s gravity weakly bounds its atmosphere. In this
case, its state deviates from the hydrostatic equilibrium, and
the local particle velocity distribution is a Maxwellian with
shifted velocity, for which the escape probability of particles
increases. Traditionally, this escape mechanism is called
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hydrodynamical outflow or planetary wind, in analogy with
the solar wind. In both cases above, the escape of particles is
determined by the upper atmosphere temperature. Therefore,
both the Jeans and hydrodynamical escapes are a particular
case of thermal escape: the atmospheric dissipation via Jeans
escape does not change the particles’ velocity distribution
(upper atmosphere temperature) at the exobase level, whereas
the hydrodynamical escape strongly affects the particles’
velocity distribution and upper atmosphere temperature.
See the known reviews for a detailed description, history,
and present state of thermal dissipation studies [36-38]. In
addition to the thermal dissipation mechanism, there can be a
nonthermal escape from a planet’s atmosphere when the
velocity of escaping particles does not depend on the exobase
temperature. Most nonthermal escape processes are related to
the exothermic reactions of atmospheric photochemistry, the
presence of ions, and their behavior in electric and magnetic
fields [37—40]. Nonthermal escape processes can affect the
transition of the upper atmospheres of planets from a hydro-
static to hydrodynamic state, when, for example, particle
precipitations are accompanied by charge exchange between
the planetary coronal gas and stellar wind plasma [28, 29,
39, 41]. Of particular importance is the transitional region
between the thermosphere and exosphere, where the flux of
particles escaping the atmosphere forms. Boltzmann kinetic
equation describes the state of atmospheric gas in the transi-
tional region because of the need to take into account the
contribution of suprathermal particles produced in non-
thermal processes [27, 33, 39, 42].

Presently, only a few models of HJ atmospheres [19-21,
23, 28, 43-45] allow the vertical density distributions of the
main atmospheric components (H, H,, He) to be set. The
atmosphere models differ quite significantly, preventing a
unique setting of the atmospheric composition. Moreover, even
in the case of a correct determination of the initial distribution
of the atmospheric components, when solving the atmosphere
heating problem, its response to the additional heating should
be taken into account, i.e., the problem should be solved
self-consistently. The self-consistency requirement makes the
problem nonlinear and demands more resources. The calcula-
tions presented below were performed in the transitional
H, — H region in a hot Jupiter upper atmosphere in the
altitude range of (1—1.26) Ry, where Ry is the planet’s
radius. It is in this altitude interval that the host star’s extreme
radiation and wind are predominantly absorbed. The lower
boundary of the studied region was set at the lower atmo-
sphere altitudes at which the atmospheric gas density is high
enough to absorb virtually completely the energy fluxes from
the star. The upper boundary was set in the upper atmo-
sphere, where the gas collisional frequency vanishes. The
typical hot Jupiter atmosphere was assumed to have H, H,,
and He distributions calculated in model [19] for the exo-
planet HD 209458b; for Jupiter in the Solar System, the
model from paper [32] was utilized. The number density
height profiles of the main components and temperature for
Jupiter and hot Jupiter HD 209458b are shown in Figs 2 and 3,
respectively.

The density profiles are shown inside the atmospheric
heating region caused by the host star’s extreme radiation
absorption and the stellar wind’s charged particle degrada-
tion. The vertical height is in units of the planet’s photometric
radius Ry (7.15 x 10° cm for Jupiter and 9.54 x 10° cm for
the hot Jupiter HD 209458Db), facilitating a comparison with
other planets. The atmospheres of the typical hot Jupiter and
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Figure 3. (a) Number density height profiles of molecular hydrogen (solid
line), atomic hydrogen (dashed line), and helium (dashed-dotted line) in
the atmosphere of the hot Jupiter HD 209458b according to model [19].
(b) Atmospheric gas temperature height profile. The height is in units of
planet HD 209458b’s photometric radius.

the Solar System’s Jupiter differ significantly. In the Jovian
atmosphere, H, dominates almost up to the upper boundary
(i.e., the exosphere). In contrast, in a hot Jupiter, the atmo-
sphere is very extended because of the high temperature, and,
correspondingly, atomic hydrogen dominates. In both cases,
the upper atmospheres are characteristic examples of hydro-
gen-helium atmospheres of gas giants.

Analysis of observations and modeling of exoplanet
atmospheres interacting with host stars suggests, in particu-
lar, that, after planet formation, hydrodynamic outflow
from the atmosphere, induced by soft X-ray and extreme
UV heating from the star, occurs [36, 38]. When the star’s
extreme radiation decreases, the atmospheric escape changes
from the thermosphere’s hydrodynamic expansion to hydro-
static atmospheric evaporation [38]. During this transition,
various nonthermal processes arise, which significantly
contribute to the total atmospheric losses [39, 46]. After
discovering an extended hydrogen envelope around the
transiting hot Jupiter HD 209458b [11], several research
groups independently worked out models [19-21, 23, 28, 43—
45] to study the hydrodynamic atmospheric escape in hot
Jupiters. Despite different details, all these models are in
satisfactory agreement with observations of gaseous hydro-
gen envelopes around such planets. Still, they do not allow us
to study the long-term history of an exoplanet orbiting close
to the host star. The problem is mainly due to consider-
able uncertainties in the models, including the extreme UV
flux from the star, the heating efficiency (conversion of
absorbed radiation into heat), and the contribution from
heavy elements. Similar to the impossibility of inverting time
for studies of the evolution of the Solar System’s planets,
including atmospheric dissipation of Earth-like planets, it is
impossible to understand a specific exoplanet’s atmosphere
formation but is still possible to compare features of similar
planets at different evolutionary stages [36].

Heating by the host star is one of the critical factors
determining the state of an exoplanet’s atmosphere. It is
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crucial for hot Jupiters. The first discoveries of HJs revealed
that the atmospheres of some HJs overfill the Roche lobe,
inducing a powerful atmospheric outflow [28, 29]. The
heating of the upper hydrogen atmosphere is due to the
absorption of X-ray and ultraviolet (XUV) radiation of the
host star in the soft X-ray (X, 1-10 nm) and extreme ultra-
violet (EUV, 10-100 nm) bands. The heating efficiency is
defined as the total local atmospheric heating ratio to the
stellar radiation absorption rate. This parameter is essential
for the thermal dissipation of the upper atmospheres of
the Solar System planets [39]. It is even more critical for
exoplanets irradiated by host stars emitting extreme UV and
soft X-rays [18, 26]. In this case, the heating is accompanied
by the formation of a significant fraction of suprathermal
particles— photoelectrons arising in the atmospheric gas
ionization and suprathermal hydrogen atoms from mole-
cular hydrogen dissociation, the main atmospheric compo-
nent. Therefore, in studies of atmospheres of hot exoplanets,
hot Jupiters in particular, nonthermal particles’ contribution
to the exoplanetary atmosphere aeronomy should be care-
fully assessed [27, 36].

Thus, observations and theoretical models of exo-
planetary atmospheres, illuminated by the host star’s extreme
radiation flux, offer a remarkable opportunity to test the
theoretical understanding of the key processes — thermal and
nonthermal dissipation, affecting both the planet’s evolution
and atmosphere, the early Earth in particular. One may
expect that future observations of exoplanets will yield
more stringent constraints and improve the atmospheric
dissipation models. Their application [36] enables clarifying
the evolution of the exoplanetary atmosphere. This section
discusses these key issues of the exoplanetary atmosphere
aeronomy which are directly related to the evolution of giant
planets closely orbiting the host stars— hot Jupiters. Special
attention will be given to accounting for the contribution of
suprathermal particles to the HJ atmosphere aeronomy.

2.1 Heating of hydrogen-dominated atmosphere

by extreme stellar radiation

Atmospheric heating due to the absorption of the host star’s
extreme radiation in the 1-100 nm wavelength range essen-
tially determines the state of the planetary atmosphere. The
atmospheric gas absorbs this radiation in reactions of
ionization of atomic hydrogen and helium and ionization,
dissociation, and dissociative ionization of molecular hydro-
gen [47, 48]:

H(1s) + H(1s,2s,2p) + (ep),

H +e+(ep), (1)
H(1s)+ H" + e+ (ep) ,

H,He + hv, (e,) — H",He  +e+ (ep).

Hy + hv, (ep) —

Here, part of the absorbed photon energy, equal to or
exceeding the ionization or dissociation energy, is trans-
formed into the internal energy of matter. The remaining
part goes into the kinetic energy of the reaction products,
mostly the kinetic energy of electrons. If an emerged
photoelectron’s energy is sufficiently high, photoelectron
can participate in secondary ionization and excitation
reactions with atmospheric components. The initial photo-
electron can also lose energy into heat via elastic collisions.
Thus, the energy of photoelectrons is partially transformed
into internal energy and partially goes to heat the atmosphere.

Let W), be the stellar radiation energy absorbed per unit
time in a unit volume, W, be the initial kinetic energy of
photoelectrons generated per unit time in a unit volume, and
Wt be the energy of electrons transformed into heat per unit
time per unit volume. Detailed expressions for Wj,, Wy, and
Wt are given in paper [26]. Then, the total heating efficiency
coefficient will be calculated as

Mw(z) = WVI:/:((?) .

The transport and kinetics of photoelectrons in the
hydrogen- and helium-dominated upper atmosphere of an
(exo)planet was calculated using a Monte Carlo model [47,
49] adapted to hydrogen atmospheres. In the day-side upper
atmosphere, high-energy electrons are produced from photo-
ionization of the main atmospheric components by soft X-ray
and extreme UV stellar radiation. As noted above, the
electrons in the upper atmosphere lose kinetic energy in
elastic, inelastic, and ionization collisions with the main
components of the surrounding atmospheric gas:

(2)

e(E")+ X,
e(E’) + X*, (3)
e(E")+ X +e(E),

e(E)+ X —

where E and E' are the primary electron kinetic energy before
and after the collision, respectively, and X* and X are the
atmospheric components in the excited and ionized states,
respectively. Here, E; is the energy of the secondary electron
formed in the collision with subsequent ionization. The
energy FE; is chosen according to the procedure described in
papers [50-52]. Photoelectrons with suprathermal energies
lose energy in collisions (3) with the ambient atmospheric gas.
Energy spectra of the photo- and secondary electrons are
strongly nonequilibrium [47, 49]. Correspondingly, the
kinetics and transfer of the photoelectrons are described by
Boltzmann equation:

o, YO
V_fe""

or Je

Me OV °

= Qe, photo (V) + Qe7secondary (V) + Z J(fev fM) . (4)

M=H, He, H,

Here, f.(r,v) and fy(r,v) are velocity distribution functions
for electrons and the atmospheric gas components, respec-
tively. The left-hand side of this equation describes the
transport of electrons in the force field Y of the planet. On
the right-hand side, the term Qg photo represents the formation
rate of primary electrons, and the term QO sccondary, the
formation of secondary electrons from ionization by photo-
electrons. The collision integrals for elastic and inelastic
interactions of electrons with the surrounding atmospheric
gas J( fe, fyr) are written in the standard form, assuming that
the atmospheric gas has a local equilibrium Maxwell velocity
distribution.

Papers [47, 49] give a detailed description of the Monte
Carlo realization of the transport of photoelectrons in
planetary atmospheres. Note, however, that this realization
has used experimental and theoretical cross sections and
scattering angles in elastic, inelastic, and ionization collisions
of electrons with H,, He, and H taken from the following
sources: (a) for e + H; collisions, from the AMDIS database
(https://dbshino.nfs.ac.jp) and paper [53]; (b) for e+ He
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Figure 4. (a) Atmospheric heating intensity profile of the hot Jupiter HD 209458b by the stellar radiation calculated for the solar gpectrum and separately
for the X-ray and extreme UV ranges. The dotted line shows the heating efficiency by the X-ray radiation, the dashed line, by the extreme UV radiation.
The solid line shows the heating by radiation with the total XUV solar spectrum for the exoplanet HD 209458b at a distance of 0.045 a.u. from the host
star. (b) Total heating efficiency for the basic XUV model (solid line) and its components: the EUV model (dashed line) and the X model (soft X-ray range,

dotted line). Here, Ry is the planetary radius [60].

and e + H collisions, from the NIST database (http://phy-
sics.nist.gov/PhysRefData/lonization/) and papers [51, 54].

Reactions taking into account suprathermal electrons
reduce the actual heating efficiency below unity. However,
most papers exploring the atmospheric outflow efficiency
(see, e.g., review [26]) adopt the heating efficiency coefficient
equal to one. Recently, paper [55] investigating the evapora-
tion efficiency of the hydrogen atmosphere of the planet KIC
12557548b arbitrarily proposed a heating efficiency of 0.5. In
paper [21], the total heating efficiency was arbitrarily assumed
to be #,, = 0.32. In more detailed studies (e.g., [19]), the
heating efficiency is shown to vary within the range of 0.4-0.6
at distances ~ (1.03—1.05)R,;, being ~ 0.2 at ~ 1.4R,,; and
~ 0.15 at distances > 1.4Rp,. Based on these investigations,
some authors assume it to be 0.3, in agreement with results
[56] obtained for the early Earth’s hydrogen atmosphere
outflow. These values are close to estimates #,, = 0.15—-0.3
[57] obtained for the hydrodynamical outflow of early
Venus’s upper atmosphere. Paper [58] adopted the heating
efficiency of 0.1, 0.3, 0.5, 0.8, and 1. Here, the temperature
changed within the range of 6000-8000 K. Note that paper
[58] ignored molecular hydrogen ionization. Yet, dissociative
ionization processes significantly contribute to atmospheric
heating. In addition, in this model, the computation domain
lower boundary does not correspond to the thermosphere
lower boundary.

In recent years, several studies of atmospheric outflows of
super-Earths and sub-Neptunes in the system Kepler-11, the
planet GJ 1214b, and other sub-Neptunes have been carried
out. These studies used the heating efficiency in the range of
0.1-0.4. About the same extremal values, 0.15 and 0.4, were
used in papers [43, 59], which explored the hydrogen envelope
outflow in early Mars, super-Earths, and sub-Earths from the
habitability zone around solar-type G stars with extreme-UV
fluxes 100 times as high as from the Sun, and in five exo-
planets in Kepler-11, intermediate between super-Earths and
sub-Neptunes.

This brief review points to very different heating efficien-
cies between 0 and 1. Nevertheless, the wrong estimate of
this parameter can alter the mass-loss rate by an order of
magnitude. Therefore, calculating the efficiency of heating
hydrogen atmospheres by soft X-rays and extreme UV
radiation is very topical. We have calculated the heating
efficiency of the planet atmosphere around HD 209458b by
assuming an approximate solar radiation spectrum [26].
These calculations are valid only for a contemporary

planetary atmosphere irradiated by a star with an age of
four billion years. Papers [26, 60] investigated the temperature
distribution of a primary atmosphere enriched with molecular
hydrogen and affected by intensive XUV solar/stellar radia-
tion. It was shown that high ionization and photochemistry
rates ultimately lead to the heating and subsequent expansion
of the upper atmosphere and the formation of suprathermal
atoms, which can also affect the energy balance in the planet’s
thermosphere (Fig. 4). Papers [26, 60] suggest that the heating
efficiency of the hydrogen-dominated upper atmosphere of a
planet by extreme radiation does not exceed 0.2 at the thermo-
sphere level if photoelectron effects are taken into account.

Meanwhile, stellar X-ray and UV radiation fluxes change
significantly during stellar evolution. This is because the
stellar rotation gradually decreases, thus weakening stellar
activity determining short-wavelength radiation spectral
intensity. Accordingly, atmospheric heating should change in
the course of stellar evolution. Figure 1.8 of review [61]
demonstrates average variations of the UV and X-ray flux
for stars of different ages. For young stars, the 0.1-120-nm
flux is much higher than the solar one. Nevertheless, the
intensity can differ by several orders of magnitude in different
bands. For example, for stars with an age of 0.1 bln years, the
0.1-nm flux is about 2000 times as high as the solar one,
whereas the 100-nm flux from stars of the same age is only
30 times as high as the solar one. The flux depends strongly
nonlinearly on frequency. For all EUV frequencies, the flux
increases at about the same rate as the stellar age decreases.
The 1-2-nm flux increases at a rate several orders of magni-
tude higher. In particular, the flux ratio for EK Dra stars with
an age of 0.1 bln years and § Hyi with an age of 6.7 bln years is
20,000 at 1 nm, 200 at 10 nm, and only 50 at 100 nm.

Thus, to decide on the atmospheric stability of hot
Jupiters on a cosmological timescale, we should understand
how the atmospheric heating changes with stellar spectrum
evolution.

2.2 Extreme stellar radiation effect on heating efficiency
Consider the exoplanet HD 209458b, a transit hot Jupiter
that has been extensively observed and whose atmosphere
has been modeled many times. The extreme spectrum of
HD 209458 is thought to be similar to that of the Sun. It is
shown in Fig. 5. The shaded region indicates the soft X-ray
emission whose intensity changes with stellar age.

In this model, the energy transfer rate is calculated for
stellar radiation and photoelectrons into the internal energy
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As noted above (see also [61]), the X-ray flux from young
stars exceeds the solar value by a factor of several thousand,
whereas the extreme UV flux is only a dozen times as high.
Therefore, the extreme UV flux in the 10-100-nm range in all
models below was constant (the EUV model), but exceeded
by a factor of 10 (model 10X) and 100 (model 100X) the 1-
10-nm flux. Therefore, the solar spectrum recalculated for the
distance to the studied planet from the star (+ = 0.045 a.u. for
HD 209458b) was utilized as the basic model (XUV).

Figure 6 shows intensities of the stellar radiation absorp-
tion Wp, (Fig. 6a) and the atmospheric gas heating Wt
(Fig. 6b) for models 1X (solid line), 10X (dashed line), and
100X (dashed-dotted line). It is seen that the UV and X-ray
radiation is absorbed at different heights, which results in two
maxima for the basic model. The UV radiation is absorbed at
the height of 1.05 Ry, where Ry is the planetary radius. The
soft X-ray radiation is absorbed at 1.015Rp;. The results
presented below also suggest that the X-ray intensity increase
leads to a growth of the corresponding heating intensity
profile at the height of 1.015 Rp,;. For model 10X, both peaks
have almost the same value, and for model 100X only one
maximum with enhanced amplitude remains at low altitudes.
Thus, with changing stellar spectrum, the heating intensity
profile changes dramatically. If, for a low short-wavelength
intensity, the heating occurs at the height of 1.05Ry, a
100 times higher radiation intensity heats the atmosphere
almost at the photometric radius of the planet. Despite the
fact that the maximum heating moves inside by only 0.04 Ry,
it can substantially change the energetic balance of the
atmosphere due to the exponential dependence of the gas
density on height.

As seen from Fig. 7, the heating efficiency somewhat
decreases with increasing X-ray flux. This can be understood
by considering partial heating efficiencies calculated sepa-
rately for the soft X-rays and extreme UV (EUV) band
presented in Fig. 4b. In that plot, the dashed line shows

Wr, 1077 ergem™3 57!

Figure 6. Absorption intensity W), of the stellar radiation (a) and the
atmospheric gas heating Wt (b) for models 1X (solid line), 10X (dotted
line), and 100X (dashed-dotted line), and EUV (dashed line).
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Figure 7. Total heating efficiency of the hydrogen-dominated planetary
upper atmosphere for models 1X = XUV (solid line), 10X (dashed line),
and 100X (dotted line).

the partial heating efficiency for the model EUV spectrum
(ie., WYV (2)/Wy(2)), and the dotted line indicates the
partial efficiency for the model X (soft X-ray spectrum
W (2)/Win(2)); here, WYV (2) + W™ (z) = Wr(z). The
efficiency of the atmospheric gas heating by soft X-rays is
lower than by EUV radiation or by the basic XUV spectrum.
Correspondingly, when the fraction of the soft X-ray radia-
tion in the parent star spectrum increases, the heating
efficiency profile approaches model X; that is, the total

heating efficiency decreases.



754 D V Bisikalo, V I Shematovich, P V Kaygorodov, A G Zhilkin

Physics— Uspekhi 64 (8)

The heating efficiencies calculated for the solar spectrum
can be applied to stars younger than the Sun after the
corresponding correction of the soft X-ray and extreme UV
spectral contributions [61]. A complete picture of the irradia-
tion spectral effects on the atmospheric structure and
dynamics requires gas-dynamic modeling of the atmosphere
and chemical reactions in the gas.

2.3 Heating by electron precipitation

into the exoplanetary upper atmosphere

The correct treatment of the heating processes is greatly
needed to construct atmospheric models (see, e.g., [19, 20,
23, 58]). At the same time, due to an insufficient under-
standing of interaction mechanisms between the stellar wind
and exoplanet atmospheres, one has to use some simplifying
assumptions. This, in turn, can result in noticeable deviations
of the derived atmospheric parameters from real ones.

Improving physical processes, which are taken into
account in the model atmospheres, is laborious work and
needs to be further developed. However, the formulation of a
complete list of physical processes should be considered when
constructing model atmospheres of giant exoplanets. One of
the possible shortcomings in modern models of exoplanetary
atmospheres is ignorance of the precipitation of magneto-
spheric electrons. The importance of this process is quite
straightforward for Jupiter in the Solar System. In Jupiter,
according to the accepted estimates [62—64], the precipitation
of magnetospheric electrons significantly contributes to (and
even determines) the total energy balance in the upper
atmosphere at high latitudes. There are two reasons for this:
(1) Jupiter’s significant magnetic field, which can effectively
accelerate electrons (see, e.g., [65]), leading to the injection of
high-energy electrons [66]; (2) the high total flux of electrons
due to plasma inflow from Io [67].

The contribution of the precipitating electrons to the
atmospheric heating of hot Jupiters has not been considered
so far, although their contribution can be significant. Observ-
ations and theoretical estimates suggest that hot Jupiters can
have an own magnetic field. Synchronization of the proper
rotation of the planet with orbital revolution makes the
magnetic dynamo generation ineffective, and the dipole
moment of the own magnetic field is relatively weak. Never-
theless, its value turns out to be quite sufficient to create
noticeable magnetospheric effects. For a more detailed
discussion of the value and configuration of the own
magnetic field of hot Jupiters, see Section 4.1 below.
Estimates in paper [68] suggest that the magnetic field in hot
Jupiters can attain one-tenth of Jupiter’s magnetic moment,
and electrons can be accelerated to high energies. In addition,
the high atmospheric temperature, accompanied by atmo-
spheric evaporation and/or gas-dynamic outflow, can lead to
a significant plasma inflow in the magnetosphere (see, e.g.,
estimates of the electron density in papers [58, 69, 70]). Thus,
it is very probable that the contribution of magnetospheric
electrons to the atmospheric heating of hot Jupiters can be
significant.

In this section, we consider the kinetics of the precipita-
tion of electrons with different energies into the atmosphere
of the typical hot Jupiter and compare them with calculations
for the planet Jupiter. To perform the calculations, we use our
modified numerical code [49, 71, 72] based on the solution to
Boltzmann equation for high-energy electrons by the kinetic
Monte Carlo method. The model is 1D, because we consider
the motion of high-latitude electrons along open magnetic

field lines. This approximation is valid for a dipole magnetic
field and the high-latitude upper atmosphere of a giant planet.
The partial and total rates of energy loss and heating of the
atmospheric gas by the flux of electrons penetrating the upper
planetary atmosphere are defined by the standard formulas
based on the calculated distribution functions f;(r,v) of elec-
trons [49]. This approach enables us to consider the process of
electron penetration into the atmosphere correctly, calculate
the flux of electrons moving up and down, and estimate the
total energy deposit into the atmosphere and atmospheric
heating efficiency. To optimize the further use of these results,
all calculations are performed for a unit energy flux of the
precipitating electrons (1 erg cm~2 s~!). For a given exo-
planet, all results should be scaled by considering the actual
flux of electrons in each specific case.

Characteristics of the flux of precipitating electrons are
unclear. Our calculations have assumed that hot Jupiters can
have a significant magnetic field, up to one-tenth of Jupiter’s
[68]. According to theoretical estimates, electrons can be
accelerated to high energies in a dipole field (see, e.g., [65]).
The precipitation of high-energy electrons is confirmed by
observations of Jupiter by the Hubble Space Telescope [66,
67]. Taking into account the above considerations, we have
investigated three typical cases of the precipitation of
electrons with a Maxwellian velocity distribution for the
characteristic energies £y = 1, 10, and 100 keV. The Maxwel-
lian velocity distribution is supported by numerous measure-
ments of electrons precipitating into Earth’s magnetosphere
(see, e.g., [73]).

The model atmospheres of HJs [19-21, 23, 28, 43—45] are
highly different, which does not allow us to define the
atmospheric composition unambiguously. Moreover, if the
initial atmospheric components are correctly determined,
when calculating the atmospheric heating, one needs to take
into account its additional heating, i.e., the problem should be
solved self-consistently. We aim to study the importance of
precipitation of magnetospheric electrons for atmospheric
heating; therefore, we have treated the problem in the linear
approximation. In this case, the total electron energy flux is
low, only about 1 erg cm™2 s~!, which, in turn, enables us to
assume that the initial radial profiles of the H, H,, and He
atmospheric components remain constant.

The calculations were carried out in the transitional
H, — H region of the upper atmosphere of a hot Jupiter, in
the altitude range of (1 —1.26) Ry,. The lower boundary of the
studied region was usually defined in the low thermosphere
layers, where the atmospheric gas density is sufficiently high
to absorb almost completely the energy of the precipitating
electrons. The upper boundary was set in the upper atmo-
sphere region, where the electron collision rate with the
atmospheric gas is low. In the calculations, we have used
neutral atmospheres of the Solar System’s Jupiter and the hot
Jupiter HD 209458b presented in Figs 2 and 3, respectively.
The density distributions are given in the region where the
injecting electron flux mostly degrades to heat the atmo-
sphere. The height along the ordinate axis is in units of the
photometric radius of the planet, facilitating a comparison of
calculations with different planets. In the Jovian atmosphere,
H, dominates almost up to the upper boundary (i.e., exo-
sphere). In contrast, in a hot Jupiter, the atmosphere is more
extended due to high gas temperature, and atomic hydrogen
dominates.

The results of calculations for the Solar System’s Jupiter
and the hot Jupiter HD 209458b are presented in Figs 8 and 9,
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Figure 8. (a) Energy deposition rate of auroral electrons by collisions with
atmospheric gas. (b) Atmospheric gas heating rate by collisions with
auroral electrons. (c) Atmospheric gas heating efficiency by precipitating
electrons. Auroral electrons precipitate with a Maxwellian distribution
with Ey = 1 keV (solid line), 10 keV (dotted line), and 100 keV (dashed-
dotted line) into the atmosphere of the hot Jupiter HD 209458b.

Heating efficiency

Figure 9. (a) Energy deposition rate of auroral electrons by collisions with
atmospheric gas. (b) Heating rate of atmospheric gas by collisions with
auroral electrons. (¢) Heating efficiency of atmospheric gas by precipitat-
ing electrons. Auroral electrons precipitate with a Maxwellian distribution
with Ey = 1 keV (solid line), 10 keV (dotted line), and 100 keV (dashed-
dotted line) into the Jovian atmosphere in the Solar System.

respectively. Figures 8a and 9a show the altitude profiles of
the energy deposition rate of auroral electrons due to atmo-
spheric absorption for three fluxes of precipitating electrons
with the characteristic energy Ey = 1 (solid curve), 10 (dashed
curve), and 100 keV (dashed-dotted curve). Figures 8b and 9b
show the altitude profiles of the atmospheric gas heating rate
by injecting electrons (the notations are the same as in Figs 8a
and 9a). Figures 8c and 9c¢ show the altitude profiles of the
atmospheric heating efficiency, i.e., the ratio of the energy
spent to heat to the energy deposit at a given altitude (the
notations are the same as in Figs 8a and 9a).

As expected, for both planets considered, with increasing
energy of precipitating electrons, the peaks in absorption
(deposition) and general and thermal energy shift downwards
(more deeply into the atmosphere), and their absolute values
increase. However, the absolute values of the energy of
electrons absorbed by the atmosphere are appreciably
different for different planets. For example, in the hot
Jupiter, the deposition peak for the injecting electron energy
Ey = 10 keV corresponds to 5 x 103 eV cm~3 s~! at a height
of 1.065 Ry, and for Jupiter, to 6 x 10° eV cm™ s7! at a
height of 1.004 R,. A comparison of the obtained results
indicates that, in the hot Jupiter, in addition to the decrease in
the peak of energy absorbed by the atmosphere, the deposi-
tion of electron energy occurs in a more extended region of the

thermosphere, and the atmospheric heating efficiency signi-
ficantly increases.

The results of calculations for the typical hot Jupiter
and the Solar System’s Jupiter suggest that the heating
efficiency weakly depends (does not depend) on the char-
acteristic energy of injecting electrons. For the upper Jovian
atmosphere, the heating efficiency is independent of the
altitude and lies within the range of 7-9%. For the hot
Jupiter, the heating efficiency has a significant dependence
on height—it varies from 8 to 17%. Importantly, in hot
Jupiters, the energy deposition rate peaks for electrons
with low kinetic energies fall in the region with a higher
heating efficiency, which can significantly enhance the
contribution of the precipitating electrons to the total
atmospheric heating.

2.4 Aeronomic model of a hot Jupiter

taking into account suprathermal particles

In this section, we present a self-consistent aeronomic model
of the upper atmosphere of a hot Jupiter, including reactions
with the participation of suprathermal photoelectrons. The
model is applied to the planet HD 209458b to calculate the gas
density, velocity, and temperature altitude profiles. It is
shown that taking into account the suprathermal electrons
in the heating and cooling functions significantly decreases
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the atmospheric gas outflow rate in the hydrodynamic
regime.

Various authors have performed gas-dynamic modeling
of the outflow from the atmosphere of HD 209458b [18-21,
23, 28, 43-45], taking into account chemical reactions. In
these studies, a system of one-dimensional gas-dynamical
equations has been solved. The main difference among the
published models relates to the atmospheric composition and
boundary conditions. In paper [19], the atmosphere was
assumed to consist of atomic hydrogen, molecular hydro-
gen, and helium. Papers [20, 58] take into account the
presence of admixtures. The authors of paper [58] include C,
C*,0,0" N, N*, Sit, Si, Si%t in the model but assume no
molecular hydrogen in the upper atmosphere. Paper [20] also
takes into account molecules, including C, O, N, D. The
free gas outflow is usually chosen as the outer boundary
condition, which extrapolates the gas-dynamic parameters
at the outer boundary from adjacent cells. In model [20],
the pressure is set at the outer boundary. Usually, a fixed
boundary condition is posed at the lower boundary [19, 20],
although paper [58] uses the matter inflow condition. The
results obtained in these studies show that the upper atmo-
sphere can be heated to temperatures above 10,000 K, despite
an equilibrium temperature of this planet of 1300 K. These
models reproduce the matter outflow from the exoplanet
HD 209458b, which is estimated to be 10'° g s=' from
observations [11, 18].

As noted above, models based exclusively on gas-dynamic
equations prove not to be precise enough to describe the
heating of the upper atmosphere, where the particle velocity
distribution can differ from the Maxwellian one [27]. The
main reason for the gas-dynamic outflow from atmospheres
of hot Jupiters may be heating by stellar radiation [18, 20, 21,
23, 28,43-45] in the 1-100-nm range (XUV-radiation), which
is absorbed in reactions of ionization of atomic hydrogen and
helium and ionization, dissociation, and dissociative ioniza-
tion of molecular hydrogen [26, 47, 60].

In papers [18-21, 23, 28, 43—45], the role of photoelectrons
in the heating process is taken into account by adjusting the
coefficient called the heating efficiency. From the physical
viewpoint, the heating efficiency shows the proportion of
XUYV radiation absorbed by the atmosphere that comes into
the heating. The heating efficiency varies from 0 to 1 in
different studies. To determine it precisely, one should
compute the kinetics of photoelectrons (see Sections 2.1
and 2.2). A complex self-consistent model including the
dynamics of suprathermal particles, chemical reactions,
and gas dynamics is needed to calculate the dynamics of a
hot Jupiter’s atmosphere.

The self-consistent aeronomic model of the upper atmo-
sphere of a hot Jupiter accounting for suprathermal photo-
electrons includes a Monte Carlo module, a chemical module,
and a gas-dynamic module. In the Monte Carlo module, the
atmospheric heating intensity is calculated based on the
atmosphere’s neutral components’ initial distributions and
ionization rates, dissociation, and excitation of the atmo-
sphere’s components. In the gas-dynamic module, the macro-
scopic characteristics of the atmosphere (density, velocity,
temperature) are computed from the heating rate.

To calculate the transport and kinetics of photoelectrons
in the upper atmosphere of an exoplanet dominated by
hydrogen and helium, the Monte Carlo model [47, 49]
adapted to hydrogen atmospheres was used. The model
includes collisional reactions (3) and the transport of supra-

thermal electrons in the atmosphere. As mentioned above, the
kinetics and transport of photoelectrons are described by
Boltzmann equation (4). This module computes the transfer
rate of radiation and photoelectron energy into internal
energy in each photolytic reaction (1) and collisional reac-
tions of secondary electrons (3). The energy of suprathermal
electrons transferring into the thermal energy is calculated
separately. Thus, the results of the modeling enable the
atmosphere heating function to be calculated.

In the chemical module, the system of chemical kinetic
equations is solved. The network of reactions includes
19 reactions with the participation of 9 components: H, H,,
e”, H", Hj, HY, He, He', and HeH". The reaction rate
constants are taken from paper [20]. As the resulting system of
differential equations is stiff, DVODE software is used. The
principal radiative cooling is due to Hy ion radiation. The HY
ion radiation intensity as a function of temperature is taken
from paper [50]. It is used to compute the cooling function.

The gas-dynamic module is based on the numerical code
described in paper [74]. Originally, this code was created to
calculate protostellar cloud collapses. We have adapted it for
planetary atmospheres. The model solves a one-dimensional
spherically symmetric adiabatic system of gas-dynamic
equations with the equation of state of a perfect gas [75]. To
solve the system, we use an implicit fully conservative finite
difference scheme described in book [76]. The calculation
is performed on a Lagrangian grid, i.e., having moving cell
boundaries, because the atmospheric density falls exponen-
tially with radius; the use of a variable grid uniform on the
mass results in much smaller cells near the planet’s surface
than in the upper computational domain. This decreases
the time step determined from the Courant condition. Thus,
the uniform grid leads to a slow computational speed and
low spatial resolution in the upper atmosphere, where the
main processes occur. The numerical method used in paper
[74] was modified for computations on a nonuniform grid to
solve this problem. We have used a coordinate grid nonuni-
form over mass: the cell mass decreases with altitude in a
geometrical progression. The progression index was chosen
empirically to be 0.986. An artificial viscosity was introduced
into the scheme to suppress oscillations in the upper atmo-
spheric layers. The viscosity was taken to be minimal to
suppress nonphysical oscillations. At each time step of the
gas-dynamic module, the thermal energy and pressure are
recalculated, taking into account the heating and cooling
functions obtained in the chemical and Monte Carlo modules.
This approach is widely used and is known as the method of
splitting by physical processes.

We chose the following initial conditions: the atmosphere
is considered to be isothermal with a temperature of 1300 K
corresponding to the equilibrium temperature at a distance
from the star equal to the large orbital semi-axis of planet
HD 209458b. The atmospheric density is taken to be baro-
metric; the gas velocity is zero. The lower boundary of the
computational domain is firmly fixed at a distance of one
planetary radius; the reflection conditions are set at the lower
boundary. The upper boundary is not fixed; that is, it can
expand or contract during modeling. The pressure, equal to
the stellar wind gas pressure at the corresponding orbital
distance, is the outer boundary condition. For the stellar wind
parameters taken from [77], the external pressure is pex =
1.6 x 107% dyn cm™2. Initially, the atmosphere consists of
molecular hydrogen and helium, with the helium mass
proportion equal to 0.15. The total mass of the atmosphere
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Figure 10. Density height profiles for models M+, M—, Koskinenl3,
Shaikhislamov14, and Yelle04.

is one of the input parameters. It was chosen such that the
part of the atmosphere heated by XUV radiation enters into
the computational domain. In our case, the atmospheric mass
is 1 x 10'® g. The initial density at the lower boundary is
7 x 10" ecm~3. The UV spectrum of the star is assumed to be
the modern solar one taken from paper [78] and recalculated
for a distance of 0.045 a.u. The calculations were performed
until the stationary regime was reached. As the model is one-
dimensional, we have approximated the three-dimensional
Roche potential by the gravitational potential along the line
connecting centers of the star and the planet.

Depending on the upper atmosphere’s composition and
the heating efficiency, the escape regime can change from
hydrostatic to hydrodynamic. In order to investigate this
problem, we have modeled the planetary atmosphere of
HD 209458b with the simplified Roche potential and studied
the effect of reactions with suprathermal photoelectrons on
the dynamics, the change in the chemical composition, and
the outflow rate of the hydrogen-helium atmosphere of
the hot Jupiter HD 209458b [75]. The calculations were
performed for two models: taking into account (M+) and
ignoring (M—) photoelectrons. We have compared our
results with those obtained by other authors; the results of
papers [19, 58, 23] are denoted in the plots as model Yelle04,
Koskinen13, and Shaikhislamov14, respectively.

Figures 10-12 show the calculated radial profiles of the
temperature, velocity, and density for all the models com-
pared. As the inclusion of suprathermal particles decreases
the heating efficiency, one can expect that taking them into
account will significantly decrease the atmospheric tempera-
ture and gas velocity, because the gas is accelerated by
heating. Figure 10 compares the density profiles for M+ and
M— models with models by other authors. It turns out that
photoelectrons strongly affect the density profile, and all
curves in this figure significantly differ, especially in the
upper atmosphere.

The velocity profiles, shown in Fig. 11, also qualitatively
repeat those obtained by other authors. Still, our model,
which considers the contribution from photoelectrons,
demonstrates lower outflow velocities of the atmospheric gas.
Only at high altitudes do the models Koskinenl3 and
Shaikhislamov14 show velocities exceeding that in model
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Figure 11. Mass velocity height profiles for models M+, M —, Koskinen13,
Shaikhislamov14, and Yelle04.
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Figure 12. Temperature height profiles for models M+, M—, Koskinen13,
Shaikhislamov14, and Yelle04.

M—. For such a variable as velocity, the difference between
models M+ and M — is especially large. The gas velocity in the
model without photoelectrons turns out to be several times as
high.

It is seen that the results of our calculations are in
qualitative agreement with other models only for model
M-, i.e., without rigorously taking into account the con-
tribution of suprathermal particles: photo- and secondary
electrons. The altitude temperature profile for models M+
and M— and other authors’ results are presented in Fig. 12.
As expected, taking into account photoelectrons leads to
an atmospheric temperature decrease, and the difference
between the two models increases with radius. In model
M—, the maximum temperature is about 9000 K; the effect
of the suprathermal particles decreases it to 6000 K. Among
the three models with which we have compared our results,
the best agreement is observed for Shaikhislamov14. The
temperature in models Yelle0O4 and Koskinen13 is higher by
several thousand K. However, the temperature maximum
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in all models lies at the same distance from the center,
(1.3—1.5)Ry1. The calculations show that the heating rate of
the atmospheric gas is significantly different in models M+
and M—, which leads to different atmospheric gas tempera-
tures (see Fig. 12) and, consequently, different gas loss rates.

The gas density and velocity at a specific radius R enable
us to estimate the atmospheric outflow rate using the formula
M(R) = 4np(R)v(r)R?. The calculated outflow rate does not
change above 1.2 R,. The calculations yielded the atmo-
spheric mass loss rate, which was compared with the results
by other authors and observations. Namely, the estimate of
~ 10 g s7! [11] was inferred from the Hubble Space
Telescope (HST) observations; the estimates 4 x 10'° and
7 x 10'% g s7! were obtained in gas-dynamic models [23] and
[58], respectively; and our models M— and M+ yielded
4 % 10'° and 8 x 10° g s~ respectively. Despite differences
in the model details (the completeness of the physical model,
numerical methods of the solution, the assumed basic atmo-
spheric components, and the chemical complexity of the
medium), all these models satisfactorily correspond to
observations of the hydrogen cloud around the hot Jupiter
HD 209458b. From the evolutionary point of view, what is
most interesting is that the model hydrogen loss rates
obtained coincide with each other within a factor of a few.
Taking into account photoelectrons in model M+ decreases
the outflow rate estimate several-fold, which could be one of
the reasons for the incomplete loss of the primordial
hydrogen-dominated atmosphere by exoplanets. Papers [28,
29, 70] suggest that the regime and rate of atmospheric
outflow are determined by both the state of the atmosphere
and the stellar wind parameters. Therefore, the obtained
atmospheric parameters can be used as boundary conditions
for three-dimensional gas-dynamic simulations modeling the
interaction of the planetary atmosphere with the stellar wind.

It is seen that thermal and nonthermal particle escape
can affect the transition of upper atmospheres from the
hydrostatic to the hydrodynamic regime. Correspondingly,
it is necessary to study in more detail the ratio of the
incident stellar XUV radiation flux to the escape velocity
from the planetary atmosphere, which determines the escape
efficiency. Namely, taking into account in detail both energy
fluxes transformed by the atmospheric chemical processes
and the energy transported inside the thermosphere by
suprathermal particles, photo- and secondary electrons are
needed. Correspondingly, as was demonstrated in the aero-
nomic model M+, the calculation of the heating efficiency
taking into account suprathermal particles will be more
complicated [27, 79]. Yet such models enable an adequate
investigation of the cosmogony of the exoplanetary atmo-
sphere formation and loss.

3. Gas dynamics of envelopes of hot Jupiters

Observations demonstrate the signatures of extended gas
envelopes around hot Jupiters. For example, observations of
planets HD 189733b [80] and WASP-12b [16, 81] revealed an
intriguing phenomenon — the noncoincidence of the begin-
ning or end of the transit at different wavelengths — which
was discovered in 2009 by Fossati [16] in Hubble space
telescope observations of the transit of WASP-12b in the
UV range. In some light curves, the transit beginning precedes
that in the optical range by about 50 min, suggesting an
absorbing material in front of the planet at a distance of
about 4-5 radii. To explain this phenomenon, a possible mass

outflow from the planet to its star was proposed [82, 83]. It
is assumed that the planetary atmosphere can overflow the
planet’s Roche lobe. Papers [28, 29] put forward the idea that
quasi-stationary envelopes can result from the interaction of
matter outflowing from the planet with the stellar wind. Due
to the supersonic flow around the envelope, a bow shock
should arise. The bow shock is also possible because of the
proper planetary magnetic field [84-86]. However, the last
hypothesis requires a significant magnetic field, which is
difficult to explain in the typical synchronous rotation of
hot Jupiters with the star.

Generally, the presence of extended envelopes around hot
Jupiters is firmly established. At the same time, theoretical
explanations of the formation of such envelopes use different
assumptions: charge exchange [18], radiation pressure [70,
80], mass transfer onto the star [82, 83], a proper magnetic
field [84-86], and the formation of quasi-closed envelopes due
to outflow from the L, vicinity and interaction with the stellar
wind [28, 29]. This renders studies of such envelopes
interesting from the point of view of the interpretation of
observations and fundamental physics. The correct model
will explain the envelopes’ observed properties and investi-
gate the parent star, which is inaccessible by direct measure-
ments. The model can also probe the magnetic field of the star
and stellar wind properties. It should be stressed that the
study of gas-dynamic envelopes of exoplanets is a novel
problem but, on the other hand, can be considered as a
marginal case of mass exchange in a binary system. The gas
dynamics of close binaries is a classical astrophysical
problem, and there are many models for solving it. In our
studies of exoplanets, we utilize gas-dynamic models elabo-
rated at the Institute of Astronomy of RAS [87, 88].

3.1 Roche lobe overflow by the planetary atmosphere
Consider a system composed of a star and a hot Jupiter as an
analogue of a binary system with an extremely small mass
ratio. On general grounds, the mathematical description of
binary stars can be applied to star —hot Jupiter systems. Let us
use the standard approach in binary star physics and consider
the forces acting in a binary system consisting of a star with
mass M, and a planet with mass M,,. Let us use the standard
assumption that the binary components move in circular
orbits, and their rotation is synchronized with the orbital
revolution Q, = Q) = Q = 21/ Py, where Py, is the orbital
period. In addition, we will use the Roche approximation that
both components are point-like and the gravitational poten-
tial is Newtonian.

Below, we will use a Cartesian frame (x, y,z) corotating
with the binary, with the origin at the star’s center. We will
also assume that the x-axis is directed along the line
connecting the centers of the binary components, the z-axis
is perpendicular to the orbital frame and parallel to €, and the
y-axis completes the right-hand coordinates.

In this case, the potential @ of the forces in the system is
called the Roche potential. The motion of the components
proceeds according to Kepler’s third law,

G(M, + My) = A°Q%

where A is the distance between the centers of the compo-
nents. The system’s barycenter is given by

M

Rem = ——PL_
om M*+Mpl

A.
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Figure 13. Roche equipotentials in (a) the equatorial xy and (b) frontal xz
planes for a binary system with mass ratio ¢ = My,;/M, = 1. Dashed line
shows the equipotential passing through point (0.34, 0, 0). The location
of the Lagrangian points Ly, ..., Ls is shown, and the coordinate frame
used is also indicated.

To within a constant factor, the potential can be presented in
the form

P GM, _ GMp,
\/x2+y2+22 \/(X_A)2+y2+zz

1 My’

QM (x4 2. 5
() ®

Equipotentials in the equatorial plane of system xy
(z =0) with the mass ratio ¢ = My,/M, =1 are shown in
Fig. 13a. Figure 13b shows the equipotentials in the frontal
plane xz (y =0). Figure 13 also presents the coordinate
frame (x,y,z). As seen in Fig. 13, near the centers of the
components, the equipotentials are almost spherical. At a
larger distance from the center, the gravitational action of
the secondary component increases, and the equipotentials
become ellipsoids extended along the x-axis. The rotation
squeezes the equipotentials along the z-axis.

The Roche potential has five libration points, also called
Lagrangian points. They are presented in Fig. 13. Their
location is determined by the condition

Vb =0. (6)

All five Lagrangian points lie in the equatorial plane, with
three of them (L, L,, and L3) lying on the x-axis and that are
inflexion points of the function @. The points Ly and Ls
are maxima of the function @. The position of the inner
Lagrangian point L; can be found from Eqn (6), which is
usually written as [89, 90]

r]jlz_rLl :q[(l_rh)_z_(l_rh)}? (7)

where r, = x1, /4.

The equipotential passing through the inner Lagrangian
point L; binds two touching volumes known as the critical
surface or the Roche lobe. This notion is fundamental in
astronomy, because, for an object (star or planetary atmo-
sphere) with the surface lying inside the Roche lobe, a
stationary configuration is possible for which the gas
pressure gradient balances the Roche potential gradient.
When the star reaches the critical surface, the total force (the
sum of the gravitational attractions to each component plus
centrifugal force) vanishes at the inner Lagrangian point. The
pressure gradient cannot be balanced at this point anymore,
and matter overflow begins.

Consider characteristics of the overflowing matter for a
typical hot Jupiter using WASP-12b as an example. In this

exoplanet, the distance from the planet’s center to the inner
Lagrangian point L; is just 2Ry, which allows us to consider
the planet to be an object in which the upper atmospheric
layers can extend beyond the Roche lobe. We will define
the parameters of the flow in the vicinity of point L;. Let
planetary matter reaching point L; have density p;, and
temperature 71,. The mass-loss rate through the inner
Lagrangian point can be written as

Mpl = Spr, L, , )

where S is the stream’s effective cross section, p; is the
density averaged over the stream’s cross section, and vy, is the
velocity. The flow through the inner Lagrangian point
vicinity occurs similarly to gas expansion in a vacuum from
a punctuated cavity. This means that the velocity through
point L; is approximately equal to the speed of sound in the
planetary atmosphere (v, ~ ¢;). Therefore, Eqn (8) can be
written in the form

Mpl = SleCS. (9)

In order to determine the outflow size near L, consider
the possible motion of a particle with the local speed of sound
¢s (i.e., with the specific kinetic energy ~ ¢2) from the Roche
lobe of the donor star. By equating the potential energy
difference in the plane to the specific kinetic energy, one can
obtain an equation for the stream form near L; similar to the
equation from paper [91]:

AD = c?. (10)

By expanding this expression in a Taylor series in varia-
bles y and z and using V<1'>|(XL] .0,0) = 0, we obtain the equation
describing the stream form — an ellipse. After simple algebra,
one can determine (see, e.g., [87, 88]) the stream’s cross-
section area at L; and, consequently, the planetary atmo-
sphere’s mass-loss rate. However, in astronomy, a simpler
formula is widely used for the mass-loss rate from an
astrophysical object filling its Roche lobe. To this end, one
uses the notion of the effective (or volumetric) Roche lobe
radius Ry, which is defined as the radius of a sphere with a
volume equal to that of the Roche lobe, and the Roche lobe
overflow degree AR = R — Ry,. According to [92], the mass-
loss rate depends on the overflow degree of the Roche lobe by
the atmosphere as

M [AR\’

My, - ( R >
where R is the planetary atmosphere radius, and AR is the
degree of Roche lobe overflow by the planetary atmosphere.

The planetary exosphere’s boundary can be defined as the
distance from the planet’s center to the exobase, where the

free-path length of particles compares with the characteristic
height scale:

GMy,
R3

(11)

1 1 R.T = R%R,Tnyo
S P T e (12)
R Ry GMy GM,

Here, R is the exobase height, T is the temperature of the
upper atmospheric layers, R, is the gas constant, ng is the
particle number density in the atmosphere at the photometric
radius Ry, and o is the scattering cross section of the atmo-
spheric gas.
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Figure 14. Photometric radius (grey-shaded circle), effective Roche lobe
radius (dotted circle), and exobase height (dashed circle) for the planet
WASP-12b. The grey dashed line indicates the Roche equipotential
passing through point L; in the equatorial plane.

As an example, Fig. 14 schematically shows the photo-
metric radius, the effective Roche lobe radius, and the
exobase of a typical hot Jupiter, WASP-12b. It is seen that
the planetary atmosphere exceeds the Roche lobe, with the
overflow degree being ~ 0.12Ry, which yields an extremely
high mass-loss rate according to Eqn (11).

Paper [93] estimated the Roche lobe overflow degree by
atmospheres of hot Jupiters with the orbital semi-major axes
and photometric radii known at that time (189 planets in
total). These data enabled estimating the exobase height and
the degree of Roche lobe overflow. The paper showed that by
assuming an atmospheric temperature of 10* K, almost a
third of the planets should overfill their Roche lobes (10% ata
temperature of 5000 K). The overflow degrees for these
planets is >1.1Ry in all cases, reaching 2Ry or more for
some planets. Clearly, for such overflow degrees, the lifetime
of giant planets cannot be sufficiently long. Correspondingly,
mechanisms restricting the mass-loss rate from hot Jupiters
should exist.

3.2 Stabilization of hot Jupiter envelopes by stellar wind
In paper [28], we considered the typical hot Jupiter WASP-
12b and assumed that an early eclipse could arise due to a
close nonspherical envelope around this planet that substan-
tially exceeds the Roche lobe. This envelope results from the
planetary atmosphere outflow through the L; and L,
Lagrangian points. The interaction of the outflow with the
stellar wind produces bow shocks with complex shapes. The
dynamical pressure of the stellar wind makes the envelope
stationary and long-lived.

Consider the motion of a hot Jupiter exoplanet in the
stellar wind gas. For a solar-type star, the dependence of the
local wind velocity and speed of sound on the distance to the
star’s center ! is shown in Fig. 15. The solid line in this figure
shows the planet’s orbital velocity as a function of the orbital
radius. Figure 15 suggests that the motion of the planet in the
stellar wind is supersonic along the entire orbit: at small

! The parameters of the solar wind are taken from paper [77].
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Figure 15. Stellar wind velocity (dashed line), orbital velocity of the planet
(solid line), and local speed of sound (dotted line) for the Sun.
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Figure 16. Contact discontinuity (thick solid line) and shock (thin solid
curve) near a hot Jupiter. Shown are streamlines and wind velocity vectors
upstream and downstream from the shock. The cross marks the planet’s
barycenter, and the grey-shaded circle indicates its photometric radius.

distances from the star due to a high orbital velocity, at large
distances due to the supersonic radial velocity of the stellar
wind.

A planet moving supersonically with an atmosphere
produces a bow shock in the stellar wind gas.> The contact
discontinuity, the boundary separating the stellar wind from
the atmosphere, is downstream from the bow shock. The
structure of the flow, in this case, is schematically presented in
Fig. 16.

In the idealized case of an equilibrium spherical atmo-
sphere, it is possible to determine the contact discontinuity
form using the momentum conservation [94]:

PIvi +p1 = pav3 +pa, (13)

2 In Section 4 below, we will show that, in the presence of a magnetic field,
the shock may not form.
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where p, and p, are the densities, v; and v, are the velocities,
and p; and p, are the pressures from both sides of the
discontinuity. The pressure and density radial profiles in the
upper atmosphere can be calculated from the hydrostatic
equilibrium of an ideal gas in the gravitational field of a point-
like mass:

") { GM, < 1 1>]
. r)= €X e s
Patm Po p Rgas Tatm Rpl r

patm(r) = Patm Rgas Tatm

(14)

where G is the gravitational constant, p,,,, is the atmospheric
density at radius r, p, is the atmospheric density at some
radius Ry (as a rule, p, is taken at the photometric radius of
the planet), Ry, is the gas constant, Ty, is the planetary
temperature, and p,m is the atmospheric temperature at
radius r.

By substituting the atmospheric density and pressure into
the left-hand side of Eqn (13), and density, pressure, and
inflow velocity of the stellar wind gas into the right-hand side
of this equation, we can obtain an equation similar to the one
determining the atmospheric form from [95]:

2
PwVw

2

Pam () = cos (1, Vy) + py (15)

where p,, is the wind density, vy, is the wind velocity, and n is
the vector normal to the atmospheric surface. Equation (15)
defines the form of the windward part of the atmosphere
directly interacting with the stellar wind. The frontal collision
point (FCP) at which cos (n, vy,) = 1 is closest to the planet’s
center.

The shock front lies at some radius from the contact
discontinuity. The distance from the frontal collision point to
the contact discontinuity is called the shock stand-off
distance. Paper [96] proposes a semi-empirical formula for
the shock stand-off distance:

(y —1)M? +2

A= 1.11‘0 W s

(16)

where 7 is the adiabatic index, M is the Mach number, and ry
is the distance from the planet’s center to the contact
discontinuity. The form of the shock is determined by the
equation

yQ(x):2Rs(rs—x)—|—bs(rs—x)27 (17)
where R; is the shock’s curvature radius, ry = ro + 4 is the
distance from the planet’s center to the FCP, and by is the
shock bluntness. The coefficients Ry and b are also defined by
the semi-empirical equations

A+ VBB (18)
2
b, = tan (ﬁ) , (19)

where ¢* is the shock compression coefficient determined
from the equation
(y—1)M?*+2

“ o) (20)

*

Equations (16) and (17) are obtained under the assumption
that the form of the windward side of the contact disconti-
nuity can be approximated by the equation

¥2(x) = 2Ro(ro — x) + bo(ro — x)°, (21)
where by is the bluntness of the contact discontinuity surface,
and Ry is its curvature radius. Equations (17) and (21) are
presented in the form y2(x), because both atmosphere and
bow shock are symmetric relative to the x-axis.

The contact discontinuity form can be obtained from
Eqn (15). After that, by approximating it using Eqn (21), we
can determine the parameters rg, Ry, and by. Their substitu-
tion into Eqn (16) enables us to calculate the shock stand-off
distance 4 and determine its form using Eqn (17). Note that
Eqns (15) and (21) determine only the windward part of the
atmosphere.

From equation (15), we can find the location of the FCP
relative to the planetary barycenter. If the FCP lies inside the
planet’s Roche lobes, there is no outflow, because, in this case,
the atmosphere does not touch the Lagrangian points L; and
L, through which the outflow is possible. If the FCP lies
outside the Roche lobe, an outflow is possible. In Fig. 17, the
thick solid line separates the parameters of a fully closed
(below the line) and an outflowing (above the line) atmo-
sphere calculated for the exoplanet HD 209458b, assuming
solar-wind-like stellar wind parameters [77]. For atmospheric
parameters above the solid line in Fig. 17, outflows can
appear from the vicinity of the inner Lagrangian point3 L.

As shown in paper [28], such outflows (streams from the
L; and L, points) can be stopped by the dynamic pressure of
the stellar wind. Theoretically, it is possible to estimate the
distance at which the stream from L, is blocked. The stopping
criterion can be obtained from equation (13) by substituting
the stream parameters (density p;, velocity vs, and pressure?
Ds = PsRgas Tagm) into one side of the equation and the wind
parameters into the other side. We are looking for the
criterion for the stream stop, not deviation, so we will
consider only those points on its trajectory where the frontal
collision point can exist, i.e., the stream and wind velocity
vectors are assumed to be collinear.

Figure 18 schematically shows the ballistic stream trajec-
tory from the L; point. The arrows crossing the stream
trajectory indicate the stellar wind flow at the corresponding
points in the stream. The figure suggests that, at some point
(filled circle in Fig. 18; we will refer it to as the collinearity
point), the stream motion is collinear to the stellar wind
velocity, enabling us to solve equation (13).

It is easy to show that such a point will exist for any stellar
wind parameters. At the very beginning, by leaving point L,
the stream moves directly towards the star; its radial velocity
is equal to the speed of sound, and the tangential velocity is
zero. Further away, the Coriolis force deviates the stream so
that, after some distance, it starts moving tangentially. There,
the radial velocity vanishes and the transversal velocity is
nonzero. It is easy to show that, at this point, the stream
mostly approaches the star (we will call this point the
periastron). Correspondingly, between point L; and the

3 The points L, and L; are open almost synchronously; therefore, below in
this paper, we will consider the criterion of the L; opening/closing.

4 The assumption that the stream at each point has the same temperature
as the atmosphere is entirely permissible, because the stream heating by
radiation should occur similarly to the heating of the upper atmosphere of
the planet.
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Figure 17. Atmospheric parameters of HD 209458b (temperature and gas
number density at the photometric radius) at which the planetary atmo-
sphere can belong to one of three distinguished types. Atmosphere is
closed below the solid line. A quasi-closed atmosphere, in which the stellar
wind can block the stream from point L, is possible inside the grey-shaded
region. Open atmospheres lie above the dashed line. Points mark models
from papers [20, 21]. Rectangle region corresponds to the parameter
range of the upper atmosphere from paper [97]. Diamonds show model
parameters for which 3D numerical simulations are presented.
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Figure 18. Ballistic trajectory of the stream from point L; (thick grey line).
Dashed line shows the Roche equipotential passing through the L, point.
The planetary center is at the point with coordinates (0,0). The arrows
crossing the stream trajectory show the stellar wind flow in the frame
corotating with the star—planet system. The solid grey arrows show the
radial wind direction; the dashed grey arrow indicates the planet’s orbital
motion. The black dot on the ballistic trajectory corresponds to the point
where the stream velocity is collinear with the stellar wind.

periastron, the velocity changes direction from purely radial
to purely tangential. On the other hand, in the rotating frame,
the wind velocity will be the sum of radial component v, (we
will assume it constant for simplicity) and tangent component
v, depending on the distance:

vo=Qr, (22)

where r is the distance to the system’s barycenter, which
practically coincides with the star’s barycenter. For an
infinitely high radial velocity, the tangential component can
be ignored, and, correspondingly, the collinearity point will
be immediately at L;, where the stream also moves radially.
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Figure 19. Radial stellar wind velocity which is needed to block the stream
at a certain distance in the projection on the stellar limb. The dashed
line shows the radial velocity of the solar wind at the orbital distance of
WASP-12b.

For a zero radial wind velocity, the collinearity point shifts to
the stream periastron, where it has only the tangential
velocity. Correspondingly, by varying v, from zero to
infinity, we can place the collinearity point at any point of
the stream, from L; to the periastron.

Figure 19 shows the wind velocity v, which is needed to
block the stream from the L; point of the planet WASP-12b at
different distances. The distances are shown in the projection
on the stellar limb, i.e., the distance observed during the
planetary transit. Figure 19 suggests that the collinearity
point should be at ~ 5 Ry, for the solar-wind parameters, in
remarkable agreement with observations [16]. For the
exoplanet HD 209458, this point is at ~ 7R, from the L,
point, corresponding to the bow shock responsible for the
early UV eclipse at a distance of ~ 4.8 R, in front of the planet
projected to the stellar limb.

If condition (13) is satisfied at the collinearity point, the
stream will be stopped, and the flow will be stationary. If the
sum of the gas and dynamic wind pressure at this point is less
than the sum of the same quantities for the stream, the motion
of the stream will go on without stopping, because, at the
distance from point L; to the periastron, there can be no
second collinearity point. After passing the periastron, matter
joins the stellar envelope, and most of it will not return to the
planet anymore. If the total wind pressure exceeds that of the
stream at this point, the stream can deviate, and the frontal
collision point moves to the region where condition (13) is
met.

Let us determine the criteria according to which a gas
stream is not blocked by the dynamical wind pressure and the
atmosphere is fully open, i.e., the planet can effectively lose its
atmosphere in a short time. It is necessary to compute the
critical density p{(Tam) separating solutions with a quasi-
closed atmosphere (p, < pg), where there are outflows that
are stopped, however, by the stellar wind, leading to an
extended nonspherical envelope formation, from solutions
with a nonclosed (open) atmosphere where p, > p;. In the
calculations, several important physical effects should be
taken into account. As the stream accelerates by moving in
the star’s gravitational field, its density should drop as it
propagates. Using the known law of stream acceleration [98]
and the Bernoulli equation, it is possible to determine the
coefficient of the stream density decreasing as it propagates.
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Figure 20. Results of modeling for calculation 1. (a) Logarithmic density and velocity distributions in the equatorial plane of the system. The barycenter
has the coordinates (0,0); size in units Ry. White lines indicate the Roche equipotentials. (b) Flow 3D structure in calculation 1. Shown are the
temperature isosurfaces corresponding to the shock and contact discontinuity and the planes through which the matter flow intensity is given. (c) Flow
intensity through surfaces shown in the panel (b) on a logarithmic scale: regions with negative flux intensity (i.e., matter moves towards the planet) or with
fluxes less than 3 x 10~'* g (cm? s)_1 are contoured by black lines and shown in white, respectively.

Since in the approximation employed the radial wind velocity
is constant, for a stationary flux the flow density should fall in
proportion to the square distance to the star:

2
ro
Pw = Pwo (7) s

where p,, is the wind density at the distance ry. Assuming that
the stream density at the L; point is equal to that in the
equilibrium atmosphere, we can calculate the density p, at the
photometric radius from that at the stream stopping point.
The critical density depends on the assumed atmospheric
temperature (see (14)), so the final value of the critical density
should be sought in the form p§(Tam)-

In Fig. 17, the critical density defining the condition of
quasi-closeness of the atmosphere of HD 209458b is limited
by the dashed line. All points lying in the hatched region
between the two curves correspond to solutions with quasi-
closed atmospheres. We can note that almost all atmospheric
parameters for HD 2094580, including those falling in the
ranges from paper [97], are in the region of either closed or
quasi-closed atmospheres.

In paper [29], three-dimensional numerical gas-dynamic
modeling was performed for different p, and 7 on the surface
of the planet HD 209458b. In paper [99], the mass-loss rate for
the obtained solutions was estimated. The utilized parameters
are shown by the filled diamonds in Fig. 17 and are listed in
Table 1. The results of numerical simulations for four selected
sets of parameters are presented in Figs 20-23.

It is seen that the gas-dynamic pictures obtained are
substantially different. In model 1 (Fig. 20), a closed atmo-

(23)

Table 1. Atmospheric parameters used in modeling: temperature and
number density at the photometric radius.

Model number T,K n, 100 cm—3
1 6000 2
2 7000 5
3 7500 10
4 8000 20

sphere streamlined by the stellar wind is obtained. Here, a
symmetric bow shock arises that has an almost spherical form
at the FCP and tends to the Mach cone away from this point.
The contact discontinuity bounding the atmosphere lies fully
inside the planet’s Roche lobe. Generally, the atmospheric
form weakly deviates from a sphere.

Figure 20b presents temperature isosurfaces correspond-
ing to the shock and contact discontinuity for calculation 1. It
is seen that the shock has a symmetric form (relative to the
inflow velocity), spherical at the FCP and diverging as a Mach
cone farther away from the planet. The contact discontinuity
from the windward side of the planet has an almost spherical
form.

Figure 20c displays, on a logarithmic scale, the intensity of
mass flows across the planes shown in Fig. 20b. The first and
second planes are located at a distance of r; =5 R, and
ry = 10 R, from the planet. The gradient filling shows the
intensity of flows outward from the planet and exceeding
f=3x107"% g (ecm? s)™! (f=02fy, where fiy = p vy =
1.6 x 1013 g (cm? s)~! is the intensity of the unperturbed
stellar wind flow at a distance from the star equal to the large
orbital semi-axis; inside the computational domain, this
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Figure 21. The same as in Fig. 20 for calculation 2.

parameter does not change significantly). Regions with
solutions with negative fluxes or below the above value are
encircled by black lines and colored in white, respectively.
This figure suggests that the planet does not have strong
outflows from the vicinity of the Lagrangian points, and, in a
rarefied trail behind the planet, there is a curled mass flow not
integrally exceeding the stellar wind outflow. This solution
shows that an insignificant atmospheric mass loss occurs in
the form of an outflow in the direction of the windward
rarefied region behind the planet and then slowly streamed by
the wind from the planet. Note that, in this case, all streams
from the atmosphere are smaller than the wind flow, and only
the upper limit on the mass-loss rate can be obtained. For this
fully closed gas envelope model, the total mass outflow rate is
M<1x10°gs!.

In model 2 (Fig. 21), the atmospheric form is significantly
nonspherical. Clearly, the FCP is shifted further away from
the planet compared to model 1 but still inside the Roche lobe.
In Fig. 21a, two cusps towards the L; and L, points are clearly
visible, which, in particular, noticeably changes the shock and
contact discontinuity form. The width of the trail is much
larger than in model 1. Interestingly, in this case, there is no
outflow from point L; to the star; however, a weak atmo-
spheric outflow through point L, is seen. Thus, this envelope
is partially open, despite the fact that, according to analytical
estimates, it must be closed for these atmospheric parameters
(see Fig. 17). This circumstance enables us to assess the
accuracy of the analytical estimates as several percent, which
is understandable, because these estimates ignored gas-
dynamical effects.

Figure 21b shows the three-dimensional structure of
the flow for calculation 2. As in model 1, the shock has a

symmetric regular form but moves farther away from the
planet. The most prominent part of the shock is outside
the Roche lobe. Figure 21c shows the intensity of mass
outflow through the planes shown in Fig. 21b (all nota-
tions and parameters are the same as in Fig. 20). It is seen
that, in this model, there is a mass outflow from the L,
Lagrangian point and a rarefied curled trail. The area of
the flow decreases, and its mean density increases farther
away from the planet. The outer boundary of the stream
has a complex form that likely appeared due to contact
discontinuity instability. In this model, the mass-loss rate
from the closed (the flow from L, is partially open) gas
envelope is M ~ 1 x 10° g s~

Figures 22 and 23 present the results for models 3 and
4, respectively. Clearly, the flow character qualitatively
changed. Two powerful streams formed from the L, and L,
points. Unlike solutions typical for close binary systems [100],
the formation regions of the gas streams have significant sizes.
The flux from L; starts from a sufficiently large area between
the Lagrangian point and the upper edge of the Roche lobe.
The stream from point L, has almost the same size. However,
farther downstream, the forms of the two streams signifi-
cantly differ. While the stream from L; gradually narrows, the
flux from L,, in contrast, appreciably widens. The isodensity
lines indicate that the density in the stream from L, is much
higher than from L, at the same distance from the planet.
Interestingly, the flow from L, is separated in the longitudinal
direction by one more shock, which probably resulted from
the decay of the discontinuity at the boundary between the
stream and the atmosphere.

Figures 22b and 23b show the principal elements of the
flow for these two calculations. It is seen that the bow
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shock consists of two shock waves, one formed around the
atmosphere, the other around the stream from point L;. It is
possible to note that one more shock arises at their crossing
point and extends from the shock-atmosphere joint point to
the shock breaking at the joint point of its two branches. The
FCP is at the edge of the stream from point L,. The bow
shock in front of the atmosphere spans a much larger
computational domain than the previous models do. At the
FCP, it extends up to the Roche lobe boundary. A broad trail
is formed behind the planet. As this trail appears behind the
planet and both flows, its width is much larger than previous
models.

Figure 22c presents the mass outflow intensity through
the planes shown in Fig. 22b. As the stellar wind fully blocks
the outflow from point L, most of the matter expelled from
the vicinity of point L; falls back into the atmosphere.
Correspondingly, most of the mass is lost through point L,.
Note that, near the planet, the characteristic size of the stream
from L, along the Z-coordinate exceeds that along the X'-
coordinate, and there is a fallback region (upper diagram in
Fig. 22¢ corresponding to the distance 5 Ry,;). The presence of
the fallback stream evidences a complex flow in this region.
The matter leaving the atmosphere through the vicinity of
point L, starts expanding freely; here, as the rarefication zone
is formed immediately behind the planet, the gas pressure
gradient creates a force shifting part of the flow back to the
planet. The Coriolis force winds up being part of the matter,
forming a stationary vortex immediately close to the atmo-
sphere near point L,. The gas density in the vortex is several
orders of magnitude lower than the atmospheric one; how-
ever, the Roche potential form in this region allows the vortex
to remain in pressure equilibrium with both atmosphere and
stream from point L,. The vortex has a comparatively small
size (of the order of several Ry). Correspondingly, farther
away from the planet, the fallback flow disappears, as seen in
the lower diagram in Fig. 22¢. The L, flow density is approx-
imately £~ 107" g (cm? s)7! (f=~ 10%fy), which coincides
with the previous case, but here the stream cross section is
several times as large. Similar to calculation 2, instabilities
arise at the flow’s outer boundary, although their effect is
significantly less in this case. This is likely to be due to a higher
density contrast between the stream and wind. The mass-loss
rate in this model is estimated to be M ~ 3 x 10° gs~!.

Figure 23c presents the mass flow intensity across the
planes shown in Fig. 23b. The middle plot in Fig. 23c indicates
that, for the outflow from point L,, a zone with a negative
flow (i.e., moving towards the planet) arises near the planet.
This is apparently for the same reasons as in calculation 3.
There is a persistent matter outflow from the Lagrangian
points L} and L,. The streams from L; and L, have approx-
imately the same area of ~ 20 R2, and the mean flux density
in them is £~ 107! g (cm? s)“p(f: 102 £,,). The mass-loss
rate from L; is My, ~ 17 x 10° gs~!, the mass-loss rate from
Ly is My, ~ 14 x 10° g s~!, and the total atmospheric mass-
loss rate, in this case, is M ~ 3 x 10 g s~!.

Despite a similar flow pattern in calculations 3 and 4, they
are fundamentally different: the solution in model 3 is quasi-
closed, i.e., the streams from the Lagrangian points are
blocked by the stellar wind, and a closed envelope with
small matter outflow along the discontinuity forms; in
model 4, in contrast, the stream from point L; does not stop
and continues propagating towards the star; all the matter in
the stream leaves the envelope, resulting in an intensive mass
loss.

3.3 Effect of stellar radiation on flow in the envelope

The gas-dynamical models considered above did not take into
account the stellar radiation pressure. This assumption can be
justified by considering a high ionization degree of the
envelope gas hampering radiation absorption. However, an
estimate of the radiation pressure to gravity force ratio,
B = frad/farav. for a nonexcited hydrogen atom in the envel-
ope (see, e.g., [101]), turns out to be close to unity. This means
that Ly-o radiation can significantly affect the gas dynamics
of HJ envelopes, in analogy with the interstellar medium in
the heliosphere [102]. In order to assess the radiation pressure
effect on the dynamics of HJ envelopes, we need to estimate
the ionization degree, the Ly-o radiation intensity, and
absorption coefficients in the envelope.

In paper [103], we carried out three-dimensional modeling
of the flow in the extended envelope of HD 209458b. We took
into account nonstationary hydrogen ionization in the
envelope and radiation pressure due to absorption in the
Ly-a line. In the temperature interval 3.5 < log 7' < 4.0 and
for the number density range 7 < logn < 8, the radiation
absorption occurs mainly in Ly-o due to transitions of
hydrogen atoms from the ground to the second level. The
Ly-P contribution is significantly less, because the intensity in
this line center is about 100 times smaller than in the Ly-o
line [104]. As oscillator strength for the transitions 1 — n
decreases with the upper level, taking into account other
Lyman lines does not significantly change the radiation
pressure.

We can estimate the contribution from the Balmer lines by
calculating the population of the second hydrogen level.
According to the Boltzmann distribution,

Q:&exp _ LT
noogi kT )’

where n; and n; are populations of the first and second levels,
g1 and g; are the corresponding statistical weights, and the
energy difference (y, — x;) between the first and second levels
of a hydrogen atom is 10.2 eV. For temperatures in the HJ
envelopes kT < 0.9 eV, therefore, ny/n; < 107*. The flux
ratio in the H, and Ly-o lines for the Sun is F, m, cner/
Fy Ly-o,cntr ~ 10%. Considering that the oscillator strength is
0.6 for H, and 0.416 for Ly-a [105], we can conclude that, in
an optically thin gas, the radiation pressure in the H, line will
not exceed 1072 that in Ly-o.. Other Balmer lines have less
oscillator strength and thus can be ignored.

Other processes also insignificantly contribute to the
radiation pressure. For example, the intensity of the ionizing
radiation for hydrogen (1 < 913 A, a bound-free transition)
is less than that in the Lyman-alpha line, and bound-free
absorption can be safely disregarded at these low tempera-
tures. The Thomson scattering on electrons and negative
hydrogen H~ absorption can be ignored because of an
envelope’s very small optical depth (see Section 3.3.5).

In addition, for the radiation pressure in the envelope, it is
possible to disregard reemission processes. Indeed, after
absorbing a photon, a hydrogen atom will be excited at level
k for time v, = 1/(>_ A:), where Ay; is Einstein’s coefficient
of spontaneous emission from the k to i energy level and the
sum is taken over all levels i below the excited level k. For a
hydrogen atom, 4;; ~ 107 s™!, and the corresponding lifetime
of the excited state is T ~ 1077 s. The characteristic collision
time between hydrogen atoms in the envelope is Tgas ~
10' =102 s; therefore, the collisional deexcitation can

(24)
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Figure 24. (Color online.) Scattering of radiation in matter: (a) transparent

medium with a size comparable to the radiation absorption length;
(b) opaque medium — a hemisphere filled with absorbing gas.

be ignored. After reemission, the photon moves in an
arbitrary direction with a centrally symmetric distribution
(for example, for a Lyman-alpha transition, the scattering
angle distribution has the form

11/12 4 (1/4) cos*
¢(w) - 4TE )
where o is the angle between the incident and scattered
photons [106]). Therefore, this process does not contribute
to momentum transfer. This statement remains valid even if
the frequency of the reemitted photon differs from that of the
absorbed one.

Consider two cases of radiation scattering in a medium: a
transparent medium with a size comparable to the radiation
absorption length (Fig. 24a) and an opaque medium—a
hemisphere filled with absorbing gas (Fig. 24b). In the first
case, after passing through the medium, some of the radiation
remains unabsorbed, some will be absorbed due to collisional
deexcitations of excited atoms, etc., and some will be
reemitted. The reemitted photons will have a centrally
symmetric distribution in space around the region with
matter, because every incident photon can be absorbed and
reemitted only once, on average, in a region with a size
comparable to the absorption length.

In the second case of an optically thick medium, the
photon will be reemitted until it leaves the envelope in the
direction opposite to the incident one, or its energy is
thermalized. That is to say, a gas region with a size much
exceeding the absorption length works as a ‘mirror’, and the
incident radiation is partially ‘reflected’. Assuming that the
gas state does not change, the maximally absorbed momen-
tum can be up to two times as large as the incident radiation
momentum. Correspondingly, by ignoring the reemission in
optically thick regions, one could underestimate the radiation
pressure by a factor of two.

In paper [103], we used a physical model for the radiation
pressure similar to that described in [101]. The model takes
into account the Doppler shift and self-absorption, the latter
of which is very important, because the envelope is optically
thick in the Lyman-alpha line.

To take into account the radiation pressure, the momen-
tum equation should be added with the radiative pressure
term, fi.q4:

ov

1
a—ZJr(vV)v:fEVp—V(D—Z[va] +fad s

(25)
where p is the gas density, v is the velocity, p is the pressure,
is the angular rotational velocity of the coordinate frame, and
@ is the Roche potential.

The model parameters and initial and boundary condi-
tions were taken following the solution for a quasi-closed
envelope around the planet HD 209458b [29]. In order to
solve the system of gas-dynamic equations, we have used
Roe’s scheme [107] with TVD corrections and an entropy fix
based on the LLF (Lax—Friedrichs) scheme. The elaborated
numerical scheme possesses a low numerical viscosity in the
smooth solution domain but does not smear shocks [108].

3.3.1 Photoionization. The radiation pressure in the Lyman-

alpha line acts on neutral hydrogen only. To calculate the

ionization of matter, one needs to compute the neutral

hydrogen number density in the envelope, nyy, at each

moment by solving the transfer equation for ny; simulta-

neously with gas-dynamic equations:
al’l[-u

—+V(gu)=R-C-1T,

o (26)

where R, C, Z are the rates of recombination, collisional
ionization, and photoionization, respectively. The initial
distribution of neutral hydrogen, nyj, is determined from the
Saha equation.

The recombination rate of atomic hydrogen due to colli-
sions with electrons is computed by the formula

R:O(B(T)I’lel’l]-m :O(B(T)(I’Z—I’ZHI)2, (27)
where ag(T) = 2.55 x 1073(T/10*K) ™" cm?® s~! is the
recombination coefficient for collisions of ionized hydrogen
atoms with electrons. The envelope is optically thick for the
radiation emitted during recombination to the ground level;
therefore, the emitted photon ionizes another neutral hydro-
gen atom in the envelope, and the recombinations to the
ground level do not change the gas ionization degree on
average. In this case, one uses the ‘B-case’ recombination
coefficient (see, e.g., [109]).

The collisional ionization due to inelastic collisions of
neutral atoms with electrons is not significant in most of the
envelope, because its temperature (~ 10* K) is much lower
than the hydrogen ionization energy (13.6 eV corresponds to
~ 10° K). Nevertheless, behind the planet (in the shadow
region), the photoionization efficiency is zero, and then the
ionization rate is determined by collisions, and we should
consider this term. The collisional ionization rate can be
calculated as

C=c(T)nmne = c(T)(n— nur) nui , (28)

where the collisional ionization coefficient was taken from
paper [110]:

o(T) =exp | — 96.1443

+37.9523In T
—7.96885 (In T')?
+8.83922 x 107! (In T)
— 534513 x 102 (In T)*
+1.66344 x 1073 (In T)°
—2.08888 x 10 (InT)°

157;300 em® 57! (29)
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In the grey approximation, assuming that all ionization
flux goes to the Lyman series limit frequency, the last term in
equation (26) for the photoionization rate can be written in
the form

Fi
1= % exp (—7) ouv nuI , (30)
Vo
where / is the Planck constant, oyy = 6.3 x 10718 cm? is the

photoionization cross section at the Lyman continuum limit
vo (see, e.g., [111]), Fuv = Fy(a l/12) is the ionization flux at
the distance / from the star’s center Fy=884ergs ! cm~2i
the radiation flux at the planet’s orbital distance, ap; [112,
113], and 7 is the optical depth. The optical depth is calculated
similarly to absorption in the Ly-o line (see Section 3.3.2).

Thus, excluding the region behind the planet, the ioniza-
tion is determined by a balance between photoionization and
collisional recombination. The characteristic relaxation time
for ionization is about several hours, which is an order of
magnitude faster than the time needed for the envelope to be
formed from the initial conditions; therefore, the choice of
initial conditions for the ionization degree does not affect the
final results.

3.3.2 Radiative pressure. To take into account radiation
absorption in the envelope of a hot Jupiter we need to solve
the radiation transfer equation:

drl,(n,!/
D 1D~ S.00] (1)
where the intensity /,(n, /) is the energy flux at the distance /in
the direction n at the frequency v, «,(/) is the absorption
coefficient, and S,(/) is the source function. Ignoring
reemission, Eqn (31) can be written in the form

dZ,(n, /)
dl

= 70‘»’(1) ]v(n7 l) . (32)

In order to calculate the radiation field, in paper [103] ray-
tracing was used. Equation (32) was integrated along the ray
from the stellar surface to the cell’s center utilizing opacity
coefficients in the envelope along the ray to calculate the
intensity in each computational cell. After that, the energy
absorbed in the cell was calculated, and, correspondingly, the
radiation force acting on the cell. In the computational cell i
with constant opacity «/(p’, T'), the ratio between the
incoming 7 and outcoming 1/, intensities is calculated as

I

v, out = Ivl:in eXp (_a‘l Al’) ) (33)
where A/’ is the ray path length inside cell i. The radiation

intensity reaching the nth cell is

Iy = Hn[H exp (—oAl) } = exp< Za’Al)
(34)

where the product and sum are taken over all cells along the
ray between the star and computational cell n, and 1°; is the
incident intensity,

2

10 _ R%tar I
v,in T 12 v, star

(35)

where R, 1s the star’s radius, /; is the distance from the star’s
center to the envelope’s boundary cell along the ray, and 7, giar

is the energy flux radiated from the stellar surface. The
intensity of radiation absorbed in the nth cell is

])1

v, abs

= Iv’?inJ [1 — exp (—oc",lAl”)] ds

n
cell

~ Iv’?m [ " nAln dS I ,in

cell

(36)

&y cell ’

where the integral is performed over the nth cell surface, SZ,,

as it is seen from the star’s center, A/” is the path length in the

cell, and V2, is the nth cell volume. Finally, the radiative

pressure acting on the gas in the computational cell n is

[\?abs ] R}

fn _ v _ star . "
) = = v, star
v,rad c ¢ 12

n—1
xexp( Zmz)J [1 —exp(—o"AIM)]dS, (37)

cell

where ¢ is the speed of light.

3.3.3 Ly-o profile in HD 209458. In our calculations, we use
the Lyman-alpha line profile for HD 209458 from paper [101]
shown in Fig. 25. The thick solid line shows the observed line
profile, and the line profile corrected for the interstellar
absorption is presented by the thin solid line. To calculate
the radiation flux in the line at the stellar surface, F, sr, We
should multiply the corrected line profile by (ds, /Rsm)z,
where dg,, 1S the distance from Earth to HD 209458 [114]. The
radiation pressure acting on one hydrogen atom is deter-
mined by the formula [115]

2
fatom(v) = % fosc F(V) 5 (38)

where e is the electron charge, m, is the electron mass, and fosc
is the oscillator strength for the Lyman-alpha line. Then, the
specific absorption coefficient is determined by the expression

a(v) =

QP (39)

where ¢(v) is the line profile normalized as

| “omav=1.

0

(40)

The final result does not depend significantly on the
choice of ¢(v), because most of the absorption occurs in the
line core, where the Doppler broadening shapes the line
profile. In a gas element with bulk velocity upyy, each atom
has the proper velocity u directed along the radiation
propagation direction; the proper velocity distribution is
assumed to be Maxwellian. Correspondingly, the line profile
was taken as

o) = mo [ m(u(v) — ubulk)2 (a1
=\ 2mkr P %T '
Therefore, the absorption coefficient takes the form
me? m m(u(v) — ubulk)z
=2 fosenu ) s exp | — 2 (42
«(v) MmecC Jose 1 2nkT P { 2kT } (42)
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Figure 25. Lyman-alpha line profile from paper [101] for the star
HD 209458. Thick solid line shows Lyman-alpha line profile as observed
on Earth. Thin solid line shows line profile corrected for interstellar
absorption. Corresponding values of the ratio f = frad/ferav Shown to the
right are calculated for a single neutral hydrogen atom using equation (38).

3.3.4 Results of three-dimensional modeling. Figure 26a shows
the density (left) and neutral hydrogen fraction (right)
distributions for a model of a quasi-closed envelope modeled
taking into account the radiation pressure. The only signi-
ficant difference from the case without radiation is that the
gas flow from point L; is somewhat shorter (by ~ 0.4 Rp)
than without radiation pressure.

In paper [103], additional calculations with 10- and 100-
fold intensities of the Lyman-alpha line and ionizing radia-
tion were carried out to understand better the radiation
pressure effect in this system. Figure 26b shows the solution
for the 10-fold intensity. In comparison with the original
solution, it is seen that the radiation pressure starts blocking
the flow from the vicinity of the L; point, and the stream is
shorter by ~ 2 Ry, than in the case without radiation pressure.
Still, the global structure of the flow in the system did not
change qualitatively. As both the Lyman-alpha line and
ionizing radiation intensity were enhanced, the mean frac-
tion of neutral hydrogen in the stream from L; decreased by
one order of magnitude from 10~2 to 1073, In the case of
intensities 100 times higher (Fig. 26c), the radiation pressure
entirely blocks the flow from L;. In this case, the radiation
pressure significantly affects the solution, although the
neutral hydrogen fraction is as low as 10~* in the stream
fromL;.

In the right panels of Fig. 26, we can see a low-ionization
region behind the planet (relative to the star located beyond
the computational domain to the left). The ionization in this
region is determined by the recombination and collisional
ionization, which is less effective (see Section 3.3.1) than
photoionization. The sharp boundary of the shadow region
behind the planet in Fig. 26b appears because, with increasing
ionizing radiation, the characteristic relaxation time to the
stationary ionization degree gets much shorter than the
characteristic gas-dynamic time in this region.

To illustrate the radiation pressure distribution in the
envelope and its effect on the flow structure, we calculate the
ratio between the radiative and gravitational forces, ff =
Srad/ferav, by assuming a fixed constant ionization degree.
This calculation enables us to clearly show that the Ly-a line is
completely absorbed in the envelope, and the main result of

this section does not depend on the computational accuracy
of the ionization degree in the solution. Figure 27 demon-
strates log 8 for different ionization degrees: 0%, 90%, 99%,
and 99.9% (log (nu1/n) =0, —1, =2, and —3, respectively). It
is supposed that the stellar wind is fully ionized. In this figure,
the gravitational force is defined as fgr.y = — grad @.

In the case of nonzero ionization (Fig. 27a), the ratio
B = frad/ferav i3 of the order of unity only in a thin layer
adjacent to the star. This corresponds to values plotted on the
right ordinate of Fig. 25, showing that this ratio is about unity
for a single neutral atom. But in the ‘deeper’ layers, the effect
of the residual line intensity is insignificant compared to the
gravitational force, because the ‘external’ layers already
absorbed the energy in the line core. In addition, we see that
several elements of the flow structure (for example, the flow
from the L, point) can absorb energy in the line wings due to
taking into account the Doppler shift when the energy in the
line center has already been absorbed. But generally, f is of
the order of unity only inside a skinny “‘under-stellar’ layer of
the envelope. Therefore, the radiative force cannot change the
general solution.

In cases with a nonzero ionization degree (lg (ny1/n) =
—1, =2, and —3), the Lyman-alpha radiation can penetrate
deeper and affect the ‘internal’ parts of the envelope. Figure 28
shows the relative radiation pressure and dynamical wind
pressure force acting on an element of the envelope contained
within the solid angle AQ from the star’s center shown by the
white trapezoid in Fig. 27. When the neutral hydrogen
fraction falls within the range —4 < Ig (nu1/n) < 0, the total
radiation force acting on this element is almost constant. This
‘plateau’ illustrates that all energy in the line is absorbed, i.e.,
the envelope is fully opaque in the Ly-a line. Only when the
neutral hydrogen fraction drops below lg (ng1/n)~ 10~° does
the radiation pressure force become linearly dependent on
the neutral hydrogen fraction. This corresponds to absorp-
tion in a transparent gas. For comparison, we show the
gravitational force and stellar wind dynamical pressure;
the former exceeds the radiation pressure by ~ 2 orders of
magnitude. This result suggests that for HD 209458b the
intensity of the Ly-a line of the host star is insufficient to cause
any significant changes in the dynamical structure of the
envelope.

Assuming that all Lyman-alpha radiation is fully
absorbed, we can make a simple estimate of the radiation
pressure. Full flux in the Ly-a line of HD 209458 on the stellar
surface is

+(3/2)A%

FLy-a - J Fstar()LLy—cx + )L) di
—(3/2)A%

’]

=6x10° fergs™' ecm™?], (43)

where A/ is the half-width of the Ly-a line. Then, the
radiation pressure force acting on an element of matter (see
Fig. 27) located at a distance of ~ a;,; and contained within the
solid angle AQ (relative to the star’s center) is

AQR2

frad = FLy-:x c star. (44)

At the same time, the gravitational attraction force from
the star is
2
Mar m Peimn AL a
G star2 elem _ GMstar clmn . p! ,
pi pi

fgrav ~ (45)
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Figure 26. (Color online.) Logarithm of density (to the left) and neutral hydrogen fraction (to the right) in the system HD 209458b modeled taking into
account the radiation pressure in the Lyman-alpha line. Solid red curve is the isodensity line (p = 10~!® g cm—3). It approximately encircles the contact
discontinuity of the planetary envelope. Black solid curve shows a similar contour for the case without radiation pressure. Solid white curves indicate the
Roche equipotentials passing through the L; and L, Lagrangian points. (a) Initial models. (b, ¢) Models for Lyman-alpha and ionizing radiation

intensities, respectively, increased 10-fold and 100-fold.

where p . = j}:z Paum d71s the column density of atmospheric
matter, r; and r; are the closest and the most remote (from the
star) points of the envelope along the line of sight, and p,,, is
the atmospheric gas density. Then, the ratio of these forces is

g 2
_ Jrad ~ l FL)’-@Rstar -1

= ~9x1070p L
fgrav ¢ GMstar Peimn Pcimn

p

(46)

In the streams from points L, and L, (Fig. 29), the column
density is about 1078 —10"7 g cm™3; therefore, f in these
regions will be of the order of 0.1 —0.01. This simple estimate
shows that in the hydrogen envelope of HD 209458b the
radiation pressure force is at most several percent of the
gravitational force.

3.3.5 Effect of other absorption mechanisms. Consider in detail
the effect of electron Thomson scattering and absorption by
negative hydrogen ions on the radiation pressure in our
problem.

The Thomson scattering cross section is independent of
wavelength and is o1 = 6.65 x 1072 cm?. To calculate the
energy scattered by an elementary volume of the envelope
with the unitary cross section shown in Fig. 27, we should
estimate the column density of electrons in this volume:

— Pclmn ~ 1014 Cm—2

o )

Me—clmn S Hclmn

The fraction of energy to be scattered (and hence the
momentum to be transferred to the atmosphere) in this
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Figure 27. (Color online.) Ratio of the radiation pressure to the gravity force, f = frad/fgrav» calculated by assuming a constant hydrogen ionization degree
of 0% (a), 90% (b), 99% (c), and 99.9% (d) (log (nu1/n) = 0, —1, =2, and —3, respectively). Element of the stream from Lagrangian point L; along the
line passing from the stellar center (dashed white line) is shown by the white trapezoid and is used to estimate the effect of radiation pressure on the

envelope.
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Figure 28. (Color online.) Dependence of relative radiation pressure force
acting on the matter element shown in Fig. 27 by the white trapezoid on the
neutral hydrogen fraction. Also shown are gravitation and stellar wind
dynamical pressure forces acting on this matter element.

volume is

AE
=~ 10710,

- (48)

The total energy emitted by a surface element of HD
209458 (Tsiar =~ 6092 K [116]) per unit time is

Faar =0T* =8 x 10" ergem 2 s7'.

Using this value, we can compare the radiation pressure force
on electrons with the pressure in the Lyman-alpha line:
fe o Fstzlr AE/E

Je TS BEE 1075,
fLy-zx FLy»a

(49)

Thus, this estimate suggests that the radiation pressure
due to Thomson scattering on electrons is negligibly small
compared to the pressure in the Ly-o line. Note that, in
reality, the envelope of a hot Jupiter is expected to have an
approximately solar chemical composition with a significant
metal abundance, and in the case of their full ionization, the
number of electrons can be several orders (~ 3) of magnitude
higher than the number of hydrogen atoms (see formula (47)).
But, as we have seen, this does not change the result obtained.

In order to estimate the energy absorbed by negative
hydrogen ions, we should calculate their number density in
the HJ envelope. In the local thermodynamic equilibrium
(LTE) case, the number density of ions would be determined
by the Saha equation:

MHL _ gHI 2(2nmekT)" Im-
“nu- gu- h3 p kT )

(50)

Let us calculate the negative hydrogen number density for
our parameters n =3 x 10’ cm™, T=7.5x10® K, and
ionization degree nyj/n = 99%. In such a gas, the number
density of atomic hydrogen is ny; = 3 x 10° cm ™3, and the
number density of electrons for pure hydrogen plasma is
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Figure 29. (Color online.) Envelope column density, p ., as seen from the
star’s center. The abscissa axis (angle ¢, perpendicular to the orbit) and the
ordinate axis (angle 6, counted along the orbit) correspond to the
computational axes Z and Y.

ne =~ 3 x 107 cm™3. Statistical weights for these states are
gu1 = 2 and gg- = 1, and the binding energy of a negative
hydrogen ion is y- = 0.75 eV (see, e.g., [115]). In the LTE
case with these parameters, the number density of the
negative hydrogen ions would be

np- =4.5x10"% ecm . (51)

However, in this case, by analogy with hydrogen ioniza-
tion, the number density of negative hydrogen is not in the
static equilibrium, and, to calculate it, we need to consider
several reactions whose balance determines the negative
hydrogen number density. The first pair of reactions include
recombination and photodissociation:

H+e =H +hv.

From left to right, it is the recombination of neutral
hydrogen with electrons; from right to left it is the photo-
dissociation of negative hydrogen by photons. As will be
shown below, this is the principal reaction determining
negative hydrogen number density. Deviations from the
equilibrium number density are due to the possibility of a
recombination photon leaving an almost transparent envel-
ope. In the statistical equilibrium, the photon should be
absorbed to dissociate another negative hydrogen ion, and

the general state of matter does not change. However, in a
transparent envelope, the radiation field is defined by the
stellar emission, which is much weaker than needed for the
equilibrium balance.

The recombination rate of electrons with neutral hydro-
gen atoms, corresponding to Ref. [117], has the following
form:

R =o(T)nmne, o=143x 107" T[K][em’s7']. (52)

The photodissociation rate of negative hydrogen can be
calculated as

3 2
7= J Frarlt) St;‘;v(ﬂ) oi(7) i <—RS“‘> .

(33)
Apl

The radiation flux from the star HD 209458, Fy,(1), can
be represented by a black body spectrum with temperature
Tsar» and the dissociation cross sections of a negative
hydrogen ion, ap¢(4), are taken from Ref. [118]. Then,

. B()"’ Tstar) o Rstar :
ot — | ———— )L E—
Iphot J I O’bf( )d/u y
Fstar

hv 4760 A

Ryar\’
O'bf,max< - ) =8 x 104 [571}7 (54)
apl

where the estimate is taken at A = 4760 A, corresponding to
the maximum of the black-body emission with a given
temperature. The precise value is iphot = 10* [s7!]. The
number density of negative hydrogen as determined by the
balance of the first pair of reactions, photodissociation and
recombination, is

R

ny- = ——=10"° [em™3].
Iphot

(55)

We see that it exceeds the equilibrium value by several orders
of magnitude. We stress again that both number densities —
the equilibrium one (50) and the one determined from
photodissociation and recombination balance (55)—are
proportional to the number density of electrons, and, there-
fore, the result does not depend on metals being taken into
account. Consider now the next pair of reactions, including
the dissociation of negative hydrogen by electron collisions
and the inverse reaction:

H +e =H+e +¢ .

For the reaction rate from left to right (dissociation), we
can write the following expression:

C=c(T)ng-ne, ¢(T)= Jf(E)a(E)ve dE, (56)
where ¢(T') is the integral over all energies from the product of
electron energy distribution f(E) (assumed to be Maxwel-
lian), the collision cross section between an electron and a
negative hydrogen ion g(E), and electron velocity ve (which is
proportional to the collision rate).

According to Ref. [119], the cross section of this inelastic
collision is

R T
o(T) = 4na? <?> [7.484 In 2 +253], (57)
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where R is the Rydberg constant. Then,

kT as — —
o(T) ~ (Tgs) | Tg‘ =2x 1077 [em® s ]

(the exact value is ¢(T) = 107° [cm® s7!]). We can now assess

the effect of this pair of reactions relative to the first pair
(photodissociation and recombination) on the negative
hydrogen ion number density:

(58)

(59)

The inverse reaction rate will be even lower, because it
should be balanced with the electron collisional dissociation
at the equilibrium temperature (50), much lower than that in
system (55). Other reactions, for example, dissociation and
neutralization by proton collisions,

H +H " =H"+H+e¢, H+H"=H+H,

are less important than electron collisional dissociation. They
have comparable cross sections with the previous pair of
reactions [115], but electron velocities are higher by two
orders of magnitude; therefore, electron collisions dominate.
This consideration suggests that the nonequilibrium number
density of negative hydrogen ions will be determined by the
first pair of reactions of recombination and photodissocia-
tion, i.e., ny- = 1073 cm™3. Here again, we note that this
value was obtained for purely hydrogen plasma.

With a known negative hydrogen number density, one can
calculate the energy to be absorbed or scattered in a volume of
the unitary cross section shown in Fig. 27:

2
Rstar

AE = JB(),, Tstar) (O’bf(),) + O'ff(ﬂ)) di < ) NH- clmn - (60)

apl

As the cross section of bound transitions for the negative
hydrogen ion o(4) becomes comparable to its dissociation
cross section, apr(4), only for wavelengths 2 > 15,000 A [120]
can we omit it in our calculations, because HD 209458 is a
solar-like star. Then,

. g (Rear\’

Ephot = JB(A’ Tstar) be(/h) di (ﬁ)
Apl
Rstar

pl

)2 =3x108 [ergs™!].  (61)

X Fstar Obf, max (

The relative amount of energy absorbed in this volume
will be

A_E _ Ephot (nH* /I’l) Nclmn

=9x10719.
E Fstar(Rstar/apl)z

(62)

The ratio of the radiative pressure force caused by the
negative hydrogen absorption (which leads to its dissocia-
tion) to absorption (and the subsequent immediate reemis-
sion) by neutral hydrogen in the Lyman-alpha line is

fir _ Fuu(AE/E)
fLy—(x

~ 10717,

63
Fios (63)

This suggests that this absorption source is negligible in
our problem. Here, we note again that, even if the envelope of

a hot Jupiter has an approximately solar composition, the
number of electrons will be by several orders of magnitude
higher than we used in our estimate. But, as we see, the
obtained result remains valid even for very high electron
number densities.

To summarize the results presented in Section 3, we can
assert that tidal interaction with a star should primarily
determine both the formation and main properties of hot
Jupiters envelopes. The Roche lobe overflow and the sub-
sequent atmospheric mass flow through the vicinity of the
inner Lagrangian point are the main reservoirs of matter for
the envelope. Further interaction of the gas stream with the
stellar wind shapes a quasi-closed envelope with a complex
form and forward bow shock. Note that this model is in good
agreement with existing observational data.

We should also add that the model in which the planetary
magnetic field leads to the formation of a magnetopause and
bow shock can also explain the beginning of the eclipse in
transits of some HJs. An argument against the ‘magnetic’
model is the low magnetic field of some hot Jupiters (see
Section 4 for more detail). However, the lack of direct
measurements of magnetic fields in HJs does not allow us to
reject this hypothesis.

Theoretically justified observational differences between
the two hypotheses, in principle, enable us to chose between
the models. Unfortunately, the attempt to experimentally test
the hypotheses, for which we were given observational time
on the Hubble space telescope (21 orbits), did not give a clear
answer about the validity of the model with the Roche lobe
overflow. The point is that the maximal size of a quasi-closed
steady-state envelope is defined as the distance where the flow
from L; can be blocked by the dynamical pressure of the
stellar wind; otherwise, the envelope becomes open. The
location of this point is determined only by the wind velocity
profile. This point can exist for any radial stellar wind
velocity; it is close to L; when the radial wind velocity is
high and moves away from L; when the wind velocity
decreases. The maximal distance of this point is reached for
zero wind velocity.

According to simple ballistic estimates [121], the size of
a stationary quasi-closed envelope around the exoplanet
WASP-12b should be ~ 0.17 in phase units. A bow shock in
front of this envelope can lead to excessive absorption in the
near UV region starting from phase ¢ ~ 0.78. For the eclipse
to begin at phase ¢ ~ 0.83, the size of the stream from L,
should be A® = 0.95—0.83 = 0.12 or 21 planetary radii. This
size agrees with estimates obtained by assuming solar-like
stellar wind parameters. Comparing the theoretical envelope
size with observations suggests that the quasi-closed envelope
model can describe the existing observations. The difference
in the envelope size at different phases can be explained by
changing the stellar wind parameters. Unfortunately, both
available beginnings of observations correspond to phase
¢ ~ 0.83 [30, 31]. This prevents us from firm conclusions
about the type of atmosphere in WASP-12b. If the additional
absorption actually begins at earlier stages, the envelope size
can exceed the maximum size of a stationary quasi-closed
envelope, which requires interpreting the observations by the
open-envelope model. Additional arguments supporting the
Roche-overflow model can be found in papers [122-124],
which consider complex atmospheric chemical composition
and compare the model with more observational data.
Turning back to the question about which model (with the
Roche lobe overflow or the ‘magnetic’ one) is true, we note
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that the whole model should consider both effects. This is why
our Roche-lobe overfilling model [28, 29] was developed
mainly by fully taking into account the proper magnetic
field of the planet and the magnetic field in the stellar wind.

4. Magnetic field effect
on the dynamics of envelopes of hot Jupiters

Hot Jupiters can have the proper magnetic field that should
affect the stellar wind flow around them. However, estimates
of the proper magnetic field of hot Jupiters show that it must
be quite weak. The characteristic magnetic moment of hot
Jupiters is about (0.1—-0.2) p,,, where g, = 1.53x 10* G cm?
is Jupiter’s magnetic moment. This value is in good agreement
with both observational [68, 85, 125, 126] and theoretical
[127] estimates. Such a low magnetic moment is explained by
inefficient dynamo generation of the magnetic field in the
planetary interiors. This as due to the close location of hot
Jupiters to their host stars. Due to strong tidal interactions,
the proper rotation of a typical hot Jupiter should be
synchronized with its orbital motion in several million years
[128]. For synchronous planetary rotation, the efficiency of
the magnetic dynamo drastically decreases.

The planet’s interior structure strongly determines the
dynamo generation of the planetary magnetic field (see, e.g.,
[129, 130]). For Jupiter-like planets, the deviation from the
axial symmetry is the necessary condition for the dynamo
(both laminar [131] and turbulent [132]) to operate [133]. This
can be provided by the Coriolis forces in the rotating systems.
The asymmetry can be manifested in planetary magnetic
dipole—spin axis misalignment [127]. For example, in Jupi-
ter, the magnetic-rotational misalignment is about 11°.

It should be noted that the magnetic field of hot Jupiters
can be generated not only in the planetary interiors but also in
the upper atmosphere. Estimates in [103] show that the upper
atmosphere of hot Jupiters consists of almost fully ionized
gas. This is due to thermal ionization and hard X-ray emission
of the host star. Therefore, the upper atmospheric layers of a
hot Jupiter can be called the ionospheric envelope. Paper [134]
shows that the proper magnetic field of a hot Jupiter should
control the formation of large-scale (zonal) flows in its
atmosphere. Detailed 3D calculations [135, 136] demon-
strate a complex picture of the wind flows in the upper atmo-
sphere, where the magnetic field is important. In particular,
electromagnetic forces can shift westward a hot spot forming
in the under-sun point. This effect can appear in the light
curves of hot Jupiters as well. For example, from a compar-
ison of the observed light curves of the planet HAT-P-7 b
with calculations, the magnetic field in the atmosphere is
estimated to be 6 G [137]. Most likely, this value is greatly
overestimated. Let us recall that the magnetic field in Jupiter’s
cloudy layer is 4-5 G, although the field is higher at the north
and south magnetic dipole poles (14 G and 11 G, respec-
tively). Jupiter’s magnetic field is not purely dipole. The
quadrupole and octupole components contribute 22% and
18%, respectively. The measurements of Jupiter’s complex
magnetic field by the Juno mission are presented in the recent
paper [138]. Note, however, that, even in this case, the dipole
component dominates in the magnetospheric region.

Finally, note that, due to the close location of the host
star, hot Jupiters can possess quite a strong magnetic field
induced by the stellar wind magnetic field. Calculations in
[139] show that the corresponding induced magnetic moment
can attain 10-20% of Jupiter’s magnetic moment, which

greatly exceeds the induced magnetic field of Venus and
Mars. To summarize, we can conclude that the strength and
configuration of the magnetic field in hot Jupiters remain an
open issue.

The effect of the stellar wind magnetic field on the wind
flow around the atmosphere of a hot Jupiter [140] can be
pretty strong. This is because almost all hot Jupiters are
located in the so-called sub-Alfvénic zone of the host star’s
stellar wind, where the wind velocity is less than the Alfvén
velocity. Taking into account the orbital velocity of the
planet, the flow velocity turns out to be close to the Alfvén
velocity. Therefore, depending on the specific situation (large
orbital semi-axis, the host star’s spectral class and rotational
velocity, the stellar wind features), the flow’s super-Alfvénic
and sub-Alfvénic regimes can be realized. Note that, in the
super-Alfvénic regime, the magnetosphere of a hot Jupiter
will include all basic elements of the magnetospheres of the
Solar System’s planets (bow shock, magnetopause, magneto-
spheric tail on the nightside, etc.) [141, 142]. In the sub-
Alfvénic flow regime, there is no bow shock in the magneto-
sphere [143].

Other authors have made attempts to take into account
the magnetic dipole in one-dimensional [23, 144, 145], two-
dimensional [24], and three-dimensional [145— 147] numerical
aeronomic models of hot Jupiter atmospheres. However,
these papers considered only the immediate vicinity of the
planet, and mass-loss estimates were made ignoring extended
envelopes. Paper [147] is an exception. In that paper, the
authors performed three-dimensional numerical simulations
in a wide spatial region and obtained MHD solutions for
exoplanets with open and quasi-closed envelopes. In our
recent papers, we have studied the effect of both proper
planetary magnetic field [148, 149] and wind magnetic field
[140, 150-152] on the dynamics of hot Jupiter envelopes. In
this section, we present the results of our numerical modeling
and discuss prospects for the further development of MHD
models.

4.1 Effect of the proper planetary magnetic field
To describe the flow structure around a hot Jupiter, we will
use the ideal single-fluid magnetic hydrodynamic approxima-
tion with an explicit background magnetic field [88, 140, 148,
153]. In this approach, the total magnetic field of a planet B
is presented as the sum of a background field H and the
magnetic field b induced by currents in the plasma,
B =H +b. In our problem, the background field is gener-
ated by sources outside the computational domain (inside the
star or, more precisely, inside the corona, or inside the planet).
Therefore, inside the computational domain, it should satisfy
the potentiality condition, V x H = 0. This property of the
background field can be used to partially exclude it from the
MHD equations [154, 155]. In addition, we assume that the
background magnetic field is stationary, 0H/0z = 0, which
corresponds to the case where the proper rotation of a hot
Jupiter is synchronized with its orbital revolution.

Under the potentiality and stationarity conditions for the
background magnetic field, the ideal MHD equations can be
written in the form

op

- =0 64

LV (v) =0, (64)
ov bxVxb HxVxb

P |:a+ (VV)V:| =—-VP— an - in —pf, (65)
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%:Vx(vxb—&-va), (66)
Oe
p{a+(vV)s} +PVv=0. (67)

Here, as above, p is the density, v is the velocity, P is the
pressure, and ¢ is the specific internal energy. The matter is
assumed to be a perfect gas with the equation of state

P=(y—1)pe, (68)
where y = 5/3 is the adiabatic index. In addition, in the
present study, we disregard the magnetic viscosity effects.
This last assumption will be justified below.

Our model assumes that the planet moves in a circular
orbit. Therefore, it is convenient to use a noninertial frame
rotating together with the star—planet system around the
barycenter. In this frame, the locations of the star’s and
planet’s centers do not change, and the angular momentum
vector of the frame Q coincides with the orbital angular
velocity of the star—planet system. In this frame, the specific
external force entering the equation of motion (65) is
expressed as

f=-Vo-2(Qxv). (69)
Here, the first term on the right-hand side describes the force
caused by the gradient of the Roche potential @. The second
term is the Coriolis force.

The background magnetic field is presented as H = Hy,
where Hy; describes the proper planetary magnetic field. Our
model assumes that the magnetic field of the hot Jupiter is a
dipole,

H, =

[3(dny)ny —d] (70)

Ir— l'pl‘z

where ;1 is the magnetic moment, rp; is the radius-vector of the
planet’s center, ny, is the unit vector from the planet’s center to
the observer, d is the unit vector along the magnetic axis, and
the dipole magnetic moment is p = ud.

As an example, we consider the typical hot Jupiter HD
209458b. The main parameters of the numerical model were
the same as in our previous studies (see, e.g., [28, 29]). For the
reader’s convenience, we present here the main parameters of
the system: the host star’s spectral class is GO, it has mass
M, = 1.15M, and radius R, = 1.2R.,. The star rotates with
a period of P, = 14.4 days, corresponding to an angular
velocity of Q, =5.05x107% s=' or a linear equatorial
velocity of vyor = 4.2 km s~!. The planet’s mass is M, =
0.71M,,p,, the photometric radius is Ry = 1.38R;yp,, where
M;y, and Rjyp, are the mass and radius of Jupiter, respectively.
The large orbital semi-major axis of the planetis 4 = 10.2R
corresponding to an orbital period of Py, = 84.6 h.

Initially, a spherically symmetric isothermal atmosphere
was set around the planet with the density distribution

e ()
= xp|—-——— [ ———— || .
P= Patm XD Rgas Tatm Rp] |l‘ - l'pl|

Here, as above, p,, is the density at the photometric radius,
Tam 1s the atmospheric temperature, and Ry, is the universal
gas constant. The initial outer radius of the atmosphere was

(71)

derived from the balance with the stellar wind pressure. We
have used the following atmospheric parameters in the
calculations: temperature T,y = 7500 K, particle number
density at the photometric radius 73, = 10! cm=3.

As the parameters of the stellar wind we used correspond-
ing values of the Sun’s wind at a distance of 10.2R, from the
center of the Sun [77]: temperature T, = 7.3 x 103 K, velocity
vy = 100 km s~!, concentration ny, = 10* cm 3.

In our calculations, we have assumed the magnetic
moment of the hot Jupiter HD 209458b is equal to u =
0.1y, The magnetic dipole orientation is given by angles 0
and ¢, which are the model parameters. The Cartesian
components of the unit vector d along the magnetic axis are
defined by the expressions

dy =sinfcos¢, d,=sinfsin¢g, d.=cosb. (72)
Here, we assume that the proper planetary rotation is
synchronized with the orbital revolution, and the proper
spin axis collates with the orbital angular momentum.

To solve numerically the MHD equations presented in the
previous section, we use a combination of the Roe [107] and
Lax—Friedrichs [156-158] difference schemes. The solution
algorithm is described in our paper [140] and includes several
steps corresponding to the method of splitting over physical
processes. First, we solve numerically a subsystem of equa-
tions corresponding to ideal MHD with proper magnetic field
b, ignoring the background magnetic field H. To solve this
system, we have used the Roe scheme [159, 160] (see also
monograph [88]) for MHD equations with Osher’s enhancing
correction [161] on an inhomogeneous grid. This scheme is
described in detail in [162]. Note that the MHD variant of the
Roe scheme is implemented in the code in such a way that,
without the magnetic field (b=0), this scheme strictly
transforms into the Roe—Einfeldt—Osher scheme we used in
purely hydrodynamic calculations presented in Section 3
and papers [28, 29]. For fast magnetosonic characteristics,
Einfeldt’s correction is implemented in the difference scheme
[163]. For slow magnetosonic characteristics, the original
Einfeldt correction disagrees with the purely hydrodynam-
ical Roe scheme. Therefore, for these characteristics, a
modified entropy fix is used [162]. In the second step, we solve
numerically a subsystem of equations corresponding to the
background field effects. To solve it, we have used the Lax—
Friedrichs scheme [156-158] with TVD (total variation
diminishing) [164] corrections [88].

To purify the magnetic field b divergence, we have used
the generalized Lagrange multiplier method [165]. This choice
is dictated by the essentially nonstationary flow around a hot
Jupiter, especially in the downstream flow forming the
magnetospheric tail.

Calculations were carried out in a Cartesian frame with
the origin at the planetary center. The x-axis passes through
the planet and star centers and is directed from the star to the
planet. The y-axis is along the planet’s orbital motion, and the
z-axis is along the planet’s proper rotation. We used the
computational domain with the sizes of —30 < x/Rp; < 30,
—30 < y/Rp <30, —15 < z/Rp < 15 and with the number
of meshes N =480 x 480 x 240. To increase the spatial
resolution in the planetary atmosphere, an exponentially
narrowing toward the center grid was used; its structure is
described in [162]. The characteristic size of the mesh at the
photometric radius of the planet was 0.02R;,, whereas, at the
outer edge of the computational domain, the mesh size was
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Table 2. Angles 0 and ¢ determining the magnetic dipole orientation by
relations (72), angular distance y between the direction to the L;
Lagrangian point and the closest magnetic pole, and mass-loss rate M
for different models.

Model 0 ¢ 7 M, 100 gs~!
1 0° 0° 90° 1.47
2 30° 0° 60° 1.48
3 60° 0° 30° 1.14
4 90° 0° 0° 1.13
5 90° 90° 90° 1.60
6 90° 180° 0° 1.13

around 0.4Rp;. The boundary conditions were the same as
in [148].

We have carried out a numerical simulation of the flow
structure around the hot Jupiter HD 209458b in the super-
Alfvénic regime, when the wind’s magnetic field is not
substantial. Variants of calculations differ by the planetary
magnetic dipole orientation only. The corresponding values
of the angles 0 and ¢ determining components of the vector d
in formulas (72) are listed in Table 2. In models 1-4, the
magnetic dipole tilt varied from the rotational axis (model 1)
to the orbital plane (model 4) opposite the star. In model 5,
the magnetic dipole was directed to the star. In model 6, the
magnetic dipole was aligned with the orbital motion of the
planet.

Figures 30 and 31 demonstrate the results of numerical
calculations. Left panels of the figures show the logarithm
density (in color gradations) and velocity (arrows) in the
planet’s orbital plane. The right scale presents the decimal
logarithm of the density in g cm™3. The right panels show the
decimal logarithm of density in the planet’s orbital plane (in
color gradations) and three-dimensional magnetic field lines.
The numerical solutions shown in these figures correspond to
the time 0.26 P, from the count beginning. The light lines in
the left panels represent the Roche equipotentials passing
near the Lagrangian points L; and L,. The planet in the center
of the computational domain is shown by the light circle with
a radius corresponding to the planet’s photometrical radius
Ry1. For clarity, the Cartesian coordinates x and y in the
orbital plane are expressed in the planetary photometric
radius Ry).

Analysis of these figures suggests that the qualitative
picture of the flow near a hot Jupiter looks similar in all
models and fully corresponds to a purely gas-dynamic flow
around a quasi-closed envelope [28, 29]. This is due to a
relatively weak proper planetary magnetic field in our models
that does not significantly affect the matter dynamics.

Figures 30 and 31 show that two powerful outflows from
the Lagrangian points L; and L, are formed in all models.
The first stream is formed on the dayside and is directed to the
host star. The gas in this flow protrudes against the stellar
wind by the gravity force. The second stream is formed on the
nightside and extends behind the planet as a wide turbulent
trail.

The interaction of the stellar wind with the planetary
envelope gives rise to an easily noticeable bow shock. It
consists of two or even several separate shocks. The main
shock arises immediately around the planetary atmosphere.
Other (secondary) shocks appear around the stream from the
inner Lagrangian point L; and its pronounced fragments and
bulges. During the planet’s orbital motion, a tangential
discontinuity appears at the boundary separating the wind
plasma and the envelope matter, because there the wind

plasma moves along the envelope surface. The Kelvin—
Helmbholtz instability strongly distorts the boundary, but the
distortion is rapidly brought back by the flow. A similar
phenomenon is observed at the rear (along the orbital motion
of the planet) part of the stream from the inner Lagrangian
point L. The motion of matter in the stream is blocked by the
dynamical pressure of the stellar wind and flung back. The
produced gas flow is turbulized and fragments into many
separate blobs. Most of this matter goes into the turbulent
trail behind the planet.

Figures 30 and 31 show that the planetary magnetic field
remains close to a dipole inside the Roche lobe. However, in
the streams arising on the day and night sides, the magnetic
lines are pulled out by the plasma flow from the ionospheric
envelope. Along the stream from the inner Lagrangian point
L;, the magnetic field strength stays almost constant and is
around 1073 G. At the shock front, the magnetic field lines
break according to the Hugoniot conditions.

Near the magnetospheric cusp (the region with open
planetary field lines), the wind plasma can freely penetrate
the upper atmosphere to cause an auroral glow. The most
powerful particle fluxes from the wind plasma should have
been formed in models 4 and 6, in which the magnetic poles lie
along the line connecting the star’s and planet’s centers.
However, the free arrival of particles at the magnetic poles is
hampered by the ionospheric envelope. Therefore, the
resulting ultimate flows should significantly weaken. This
may explain present unsuccessful attempts to detect auroral
glows in the atmospheres of hot Jupiters. For example, the
authors of [166] attempted to detect radio emission from
auroral regions of hot Jupiters HD 114762, 70 Vir and t Boo
using the Karl G Jansky Very Large Array (VLA). However,
no significant radio flux was detected at the predicted
frequencies. Another explanation for the null result pro-
posed in paper [167] assumes that the cyclotron maser
instability condition is not fulfilled [168], which is the main
radio emission generation mechanism in planetary magneto-
spheres.

The mass-loss rate from hot Jupiters with different types
of gas envelopes was calculated in paper [99] for a purely
hydrodynamical case. Three-dimensional MHD simulations
performed in paper [148] suggested that the presence of an
even tiny magnetic field can noticeably decrease the mass-loss
rate M. This means that closed and quasi-closed ionospheric
envelopes can appear around such planets for high Roche-
lobe overflow degrees because, in this case, additional energy
is required to overcome the magnetic pressure and line
tension.

Our calculations show that the mass-loss rate also
depends on the orientation of the planetary magnetic dipole
field. Table 2 lists mass-loss rates for different models of hot
Jupiter atmospheres. The value of M lies within the range
from 10'° gs~! to2 x 10'° gs~!. The maximum mass-loss rate
(1.60 x 10'% gs~! model 5) differs by 42% from the minimum
one (1.13 x 10'% g s~!', models 4 and 6). The analysis suggests
that the mass-loss rate increases with the angle y between the
direction to the star and the magnetic pole closest to the inner
Lagrangian point L;. The results of the calculations (see
Table 2) can be empirically fitted as

M=1.1x10"4+49x107y [gs7"], (73)

where the angle y is in degrees. The obtained dependence can
be explained by the fact that the strongest planetary magnetic
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Figure 30. (Color online.) Distribution of decimal logarithm of density (color gradation), velocity (arrows in the left panels), and magnetic field (three-
dimensional lines in the right panels) in the orbital plane of a hot Jupiter for models 1 (6 =0°, ¢ =0°) (a), 2 (0 = 30°, ¢ =0°) (b), and 3 (6 = 60°,
¢ =0°) (c). Solution is presented at the time moment 0.26P, from the beginning of calculations. Light lines in the left panels show the Roche
equipotentials. Light circle corresponds to the planet’s photometric radius.

field strength is attained at the magnetic poles in the upper
atmosphere. Therefore, the closer the magnetic pole to the
Lagrangian point L;, the stronger the electromagnetic field
hampering the motion of matter in the outflow. Of course, the
matter moves freely along the magnetic field lines. However,
in a stream with a relatively large diameter (around 3R;)), a
perpendicular magnetic field component opposing the free
outflow will be present.

4.2 Stellar wind effect

In our numerical model, to describe the stellar wind from the
host star, we use well-studied properties of the solar wind.
Much ground-based and space research (see, for example,
recent review [169]) suggests that the solar wind magnetic field

has a rather complicated structure. In the coronal region, the
magnetic field is essentially nonradial, because there it is
determined by the proper magnetic field of the Sun. At the
coronal boundary located at several solar radii, the field
becomes almost purely radial. Further away, there is a
heliospheric region where the solar wind properties essentially
determine the magnetic field. The magnetic field lines
gradually twist into spirals with distance from the center in
the heliospheric region due to the Sun’s rotation. Therefore,
especially at large distances, the magnetic field in the solar
wind can be described with high accuracy by the simple
Parker model [170].

However, the observed magnetic field in the solar wind is
not axially symmetric and demonstrates a clear sectorial
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Figure 31. (Color online.) The same as in Fig. 30 for models 4 (6 = 90°, ¢ = 0°) (a), 5 (6 = 90°, ¢ = 90°) (b), and 6 (6 = 90°, ¢ = 180°) (c).

structure. This is because, at different points of the spherical
surface of the corona, the field can have different polarities
(the direction of the field lines with respect to the normal
vector) due to, for example, the tilt of the Sun’s magnetic axis
to its rotational axis. As a result, in the ecliptic plane, two
clearly separate sectors with different magnetic field direc-
tions are formed in the solar wind. In one sector, the magnetic
field lines are directed toward the Sun, and in the opposite
sector, from the Sun. These two sectors are separated by the
heliospheric current layer corotating with the Sun. Therefore,
during its orbital motion, Earth crosses it many times per year
by passing from the solar wind sector with one polarity of the
magnetic field to the neighboring sector with the opposite
magnetic field polarity.

In the present review, we focus on the effects of global
parameters of the magnetic field in the stellar wind and will

assume that the orbit of a hot Jupiter lies inside the helio-
spheric region beyond the host star’s corona. Therefore, to
describe the magnetic field in the heliospheric region, in the
first approximation, we can use the simple axially symmetric
model from paper [171] (see also monograph [95]).

Taking into account the magnetic field, the background
magnetic field in MHD equations (64)—(67) can be presented
in the form H = Hj,; + H,, where the first term H,, describes
the proper planetary magnetic field (70), and the second term
H. corresponds to the radial magnetic field component in the
stellar wind B;. The radial magnetic field of the stellar wind
can be found from the Maxwell equation VB = 0. Consider-
ing the spherical symmetry, we obtain [95]

B.R?

H, =
x|

n,,

(74)
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where R, is the stellar radius, B, is the mean magnetic field on
the stellar surface, r, is the radius-vector from the stellar
center, and n, is the unit vector along the observer’s line of
sight. It is easy to verify that the background magnetic field is
the potential: V. x H = 0.

Initially, the magnetic field b in the plasma will be
determined solely by the azimuthal magnetic field compo-
nent in the stellar wind. In the orbital plane of the planet, the
azimuthal components of velocity v, and magnetic field b,
are given by the expressions [171]

17/12}’2/}’2
vy = Qur —— AL 75
o T2 (75)
B 1—r2/r?
by = — Q02 A 76
° = 7 (76)

Here, v, is the radial wind velocity, the radial coordinate r
determines the distance from the stellar center, Q, is the
angular rotational velocity of the star, and A is the Alfvén
Mach number for the radial velocity and magnetic field,

Vanp v

A= B
The Alfvén point is at the distance r = rp where the radial
wind velocity v, is equal to the Alfvén velocity up =
|B:|/v/4mp, and the parameter is A = 1. The regions r < ra
and r > ra determine the sub-Alfvénic and super- Alfvénic zone
of the stellar wind, respectively.

In paper [171], the Alfvén radius for the solar wind was
found to be ro = 24.3R.,. In later studies, it was found to be at
smaller radii (see, e.g., [172, 173]). Paper [174] analyzed solar
activity over the last 250 years to conclude that the Alfvén
radius can vary in the wide range from 15R,, to 30R. On the
other hand, the magnetic field of solar-type stars (parameter
B, in equation (74)) can differ from the solar value. The mean
surface field of such stars falls in the range from about 0.1 to
several Gauss [175, 176]. The magnetic fields of stars of other
spectral classes can differ even more. In addition, the
azimuthal magnetic field of the stellar wind (76) is deter-
mined by the proper stellar angular velocity (parameter €2, in
equation (74)), which, in turn, also depends on the spectral
class [176]. These facts expand the possible model parameter
range.

Figure 32 shows the initial (without outflows from the
envelope) structure of the magnetic field near the hot Jupiter
HD 209458b modeled by us. The magnetic field parameters
(field strength and the magnetic axis orientation) of the planet
correspond to those in the calculations presented below.
Figure 32 shows the distribution of magnetic field lines for
B.=1073G,a relatively weak wind field. The star is to the
left, and the planet is to the right. The inner and outer radius
of the ring corresponds to the stellar and coronal surfaces,
respectively. The corona radius is about three times the stellar
one. The thick solid line shows the Roche lobe boundary. The
solid lines with arrows present the magnetic field lines. It is
easy to see that the magnetic field clearly demonstrates four
zones marked with corresponding figures. Zone 1 is deter-
mined by open stellar field lines beginning on the stellar
surface and going to infinity. Zone 2 is determined by open
field lines of the planet. In zone 3, the magnetic lines are
common to the star and the planet; they begin on the stellar
surface and end on the planetary surface. Finally, zone 4
includes the closed lines of the planet. In neutral points, the
magnetic field direction is undetermined. In the equatorial

(77)
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Figure 32. (Color online.) Initial magnetic field distribution in the
equatorial plane for B, = 10~3 G. Thick solid line shows the Roche lobe.
The star is shown as a colored dot with the inner and outer radii
corresponding to the radius of the star and its corona, respectively. The
figures mark four magnetic zones. N; and N, are the neutral points.

plane, these points are denoted as N and N,. In space, the set
of these points forms a neutral line, close to a circle, whose
shape is determined by the orientation of the planetary
magnetic field.

The large semi-axis of Mercury is 0.38 a.u. = 82R,. Con-
sidering estimates of the Alfvén radius ra given above, this
means that all planets in the Solar System lie in the super-
Alfvénic zone of the solar wind. The sonic point, where the
wind velocity matches the sound speed, lies even closer to the
Sun at a distance of about 0.037 a.u. = 8R,. This suggests
that magnetospheres (if present) of the planets of the Solar
System have a structure similar to Earth’s magnetosphere.
They consist of the following main elements: a bow shock, a
transitional region, a magnetopause, radiation belts, and a
magnetospheric tail.

In the case of hot Jupiters, the magnetospheric structure
can be completely different because of their proximity to the
host star. To analyze the possible situation, we have processed
the actual data for a set of 210 hot Jupiters taken from the
database from the site http://www.exoplanet.cu. The set was
sampled by the planetary mass (M > 0.5Mjy,, where Mjy, is
Jupiter’s mass), the orbital period (Pop, < 10 days), and the
large orbital semi-axis (4 < 10R). In addition, only those
planets with all the necessary known parameters were chosen.

The stellar wind model immediately close to the Sun at
distances 1R; < r < 10R; was based on calculations per-
formed in [77]. The density p(r) and radial velocity v, (r)
profiles enabled us to calculate for each hot Jupiter the
dynamical wind pressure,

den = p(A)UE(A) ’ (78)
and the magnetic pressure,
B}(4)
Pmag = r81'c B (79)
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Figure 33. (Color online.) Distribution of hot Jupiters in the Ppqy — Payn diagram. (a) Alfvén Mach numbers are calculated using the wind velocity only.
(b) Planetary orbital velocities are included. Planetary parameters are taken from the database http://www.exoplanet.eu. Data for 210 hot Jupiters are
used. Planets correspond to the centers of the circles. The circle sizes on the logarithmic scale correspond to the planetary mass. Solid line indicates the
location of the Alfvén point in the solar wind. A — super-Alfvénic zone, B— sub-Alfvénic zone.

in the planet’s orbit. The radial field was calculated as
B.(A) = B,(R./A4)* with B, = 1 G. The obtained distribu-
tion of hot Jupiters on the two-dimensional plot Pyag — Payn is
presented in Fig. 33a. The circles show planets with sizes
corresponding to the logarithm of mass My,. The solid line
shows the location of the Alfvén point of the solar wind at
which Pgyn = 2Ppg,.

It is seen that all hot Jupiters from our set lie in the sub-
Alfvénic region of the stellar wind. However, in the planet’s
co-moving frame, the flow character is determined by both
the wind velocity and the planet’s orbital velocity. When
taking into account the orbital velocity, the dynamical
pressure takes the form

den = p(A) UE(A) + (80)

Note that the planet’s orbital velocity depends on both the
orbital radius and the mass of the planet. The corresponding
diagram is presented in Fig. 33b. The orbital velocity shifts
the entire sequence significantly upward to the super-Alfvénic
wind zone. Note that most of the planets in this diagram form
some regular sequence (the bottom left corner of the plot).
These planets are located sufficiently far from the star, where
power laws fit the radial density and velocity profiles well.
Planets close to the star are spread rather chaotically in this
diagram. For such planets, the dynamical wind pressure (80)
is mainly determined by their orbital velocities.

As for hot Jupiters with orbits inside the sub-Alfvénic
zone, the Alfvénic Mach number A = v, /uj is less than unity,
and the ratio v, /ur, where up is the fast magnetosonic speed,
is also less than unity, because, clearly, ur > ua, and hence
vr/up < v/ua. In other words, near such a hot Jupiter, the
stellar wind velocity is less than the fast magnetosonic speed.
In the pure gas dynamics, this case corresponds to a subsonic
flow around a body when no bow shock emerges. Thus, we
conclude that the flow around such a hot Jupiter must be
shockless [143]. No bow shock should be present in the
magnetospheric structure around such a hot Jupiter.

It should be borne in mind that this distribution was
obtained for the solar wind from the quiet Sun model. We
assumed the mean surface magnetic field on the Sunis 1 G.
Even for the Sun, during its activity cycle, the location of hot
Jupiters in Fig. 33b relative to the Alfvén point can change to
either side. In reality, each planet from our set is streamlined

not by the solar wind but by the host star’s stellar wind. Its
parameters can be significantly different. This means that the
stellar wind flow around the planetary atmosphere should be
studied individually for each planet and its host star.

As noted above, the ionospheric envelope includes the
upper atmosphere of a hot Jupiter consisting of an almost
completely ionized gas [103]. A closed ionospheric envelope
corresponds to the case where the hot Jupiter’s atmosphere
lies entirely inside its Roche lobe. An open ionospheric
envelope corresponds to the case where the hot Jupiter
overfills its Roche lobe to form outflows from the Lagran-
gian points L; and L,. As the proper magnetic field of hot
Jupiters is fairly weak, the magnetopause lies inside the
ionospheric envelope. In such a situation, a shock-induced
magnetosphere (Fig. 34a) and a shockless-induced magneto-
sphere (Fig. 34b) are the most likely.

An induced magnetosphere [142] is produced by currents
circling in the upper ionospheric layers. The currents induced
in the ionosphere partially screen the wind magnetic field. As
aresult, the magnetic lines enshroud the planetary ionosphere
by forming a specific magnetic barrier or ionopause. The bow
shock is set immediately before this barrier. A magneto-
spheric tail is formed on the nightside that the ionospheric
plasma can partially fill up. Unlike a proper magnetosphere
(like Earth’s or Jupiter’s), the magnetic field orientation in the
induced magnetosphere is entirely determined by the stellar
wind field. As a result, the entire magnetospheric structure
tracks the direction to the star when the planet moves in orbit.
In the Solar System, this situation for the closed ionospheric
envelope corresponds to the Venerian magnetosphere and, to
some extent, to the Martian one. The induced magneto-
spheres with open ionospheric envelopes can arise around
comets approaching close to the Sun.

An intriguing situation can emerge in the intermediate
case (‘grey’ zone), where the hot Jupiter’s orbit passes close to
the Alfvénic point. In particular, in this case, the planet itself
can be in the sub- or super-Alfvénic zone of the wind, while
the extended outflowing ionospheric envelope can cross the
Alfvénic point and partially outflow into the opposite wind
zone. This case can be quite common for hot Jupiters, because
most of them are found close to the Alfvénic point.

The above analysis enables us to conclude that, near
almost all presently known hot Jupiters, the stellar wind
velocity is close to the Alfvén velocity. Here, many of them
can be even in the sub-Alfvénic zone, where the magnetic
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Figure 34. (Color online.) Structure of a shock-induced magnetosphere (a)
and a shockless-induced magnetosphere (b) in the case of an open
ionospheric envelope of a hot Jupiter. Lines with arrows show magnetic
lines. Dotted line indicates the Roche lobe boundary. Colored region
corresponds to the planetary gas envelope. Location of the shock wave
(outer solid line) and the magnetopause (inner solid line) are presented.

pressure of the wind exceeds its dynamic pressure. This means
that the stellar wind magnetic field is an important factor
when studying the streamlining of a hot Jupiter’s ionospheric
envelopes. Therefore, it should be necessarily taken into
account both in theoretical models and in observational
data interpretation.

The stationary structure of the proper magnetosphere
(shocked or shockless) is determined by the total magnetic
field of all sources inside it. The main sources include the
proper planetary field (for example, the dipole field), the field
of induced currents in the magnetopause, and the field of
currents in the magnetospheric tail. The Solar System’s giant
planets (first of all, Jupiter and, to a lesser extent, Saturn)
have another characteristic magnetosphere element: the so-
called magnetodisk [141], a thin (around 30 km in Jupiter)
current layer near the equatorial plane of the magnetosphere.
The magnetodisk creates a significant additional dipole
magnetic field formed by both its proper currents and
induced screening currents. For example, the effective dipole
moment of Jupiter’s magnetodisk exceeds the proper planet’s
magnetic moment by 2.6 times. The magnetodisk is located at
characteristic distances from 18 Rjyp to 92Rjyp.

For the magnetodisk to be produced, two factors should
be present simultaneously: a rapid rotation of the planet and a
source of additional plasma inside the magnetosphere. In the
Jupiter system, the magnetosphere plasma is supplied by the
Jovian satellite [o. Due to its volcanic activity, a great deal of
neutral gas is injected into the magnetosphere; its ionization
results in the formation of a plasma mainly consisting of
hydrogen, oxygen, and sulphur ions. The centrifugal force
caused by the planet’s rotation makes the plasma move from
the planet along the magnetic lines. As a result, the plasma
concentrates near the magnetospheric equatorial plane to
form, due to the distortion of the magnetic lines, a thin
current layer — the magnetodisk. Paper [177] notes that
magnetodisks can appear in magnetospheres of hot Jupiters
as well. In this case, the expanding ionospheric envelope of
hot Jupiters may be the source of plasma for the magnetodisk.

Consider an Alfvénic surface determined by the balance of
the kinetic (rotational) energy of the outflowing plasma and
the energy of the proper planetary (dipole) magnetic field.
Inside the Alfvénic surface, the energy of the dipole magnetic
field is high, and therefore the plasma rotates almost as a solid
body together with the field lines. The magnetic field lines
themselves are not distorted. Some magnetic field lines near

the equatorial plane do not intersect the Alfvénic surface.
Consequently, the plasma flowing along these lines always
stays inside this region and rotates as a solid body with the
magnetic field. This region is called the ‘dead zone’ [178].

The plasma flowing along the magnetic lines crossing the
Alfvénic surface can leave the inner magnetosphere. Outside
the Alfvénic surface, the magnetic field energy becomes less
than the plasma kinetic energy. Therefore, the centrifugal
force accelerates the plasma, and its motion significantly
distorts the initial dipole magnetic field. As a result of such
a flow, the plasma of the expanding ionospheric envelope
approaches the equatorial plane and pulls the planetary
magnetic field lines toward this plane. This results in the
formation of a thin current layer, because the field lines are
oppositely directed above and below the equatorial plane. A
magnetodisk will be produced from the ionospheric plasma.
Electric currents in the magnetodisk generate an additional
magnetic field inside the magnetosphere [179]. Analysis shows
that, as a rule, the effective magnetic moment of the magneto-
disk exceeds the proper planetary magnetic moment [177].
Note that the formation mechanism of the magnetodisk
generally is not related to the presence or absence of a bow
shock. Therefore, this element can be present in both
shocked and shockless magnetospheres of hot Jupiters.

Figures 35 and 36 present the results of 3D numerical
simulations of the flow structure around the hot Jupiter
HD 209458b [180]. In these calculations, we have used the
numerical model described in [140]. The main model para-
meters were the same as those described above. The wind
magnetic field was defined by formulas (74) and (76). Calcula-
tions were performed for two models corresponding to the
weak and strong wind magnetic field. The mean magnetic
field on the stellar surface was set to be B, =0.5 G and
B, = 0.01 G in the first (strong field) and second (weak field)
models, respectively. Considering that the stellar radius is
somewhat higher than the solar one, the field in the first
model practically corresponds to the mean magnetic field on
the solar surface, as follows from comparing the correspond-
ing magnetic moments of the stars.

In the calculations, we have also taken into account the
proper planetary magnetic field (70). We have assumed that
the magnetic moment of the hot Jupiter HD 209458b is
t = 0.1p,,, where g, is Jupiter’s magnetic moment. The
magnetic dipole axis was tilted by 30° to the spin axis
oppositely to the star. As before, in the model, we have
assumed that the proper rotation of the star is synchronized
with the orbital revolution, and the spin axis is collinear with
the orbital angular momentum.

In the first model (strong field), the sub-Alfvénic flow
regime is realized. As seen from Fig. 35, in this case, the
interaction of the stellar wind with the ionospheric envelope
of the planet is shockless. The bow shock does not form around
either the planetary atmosphere or the matter expelled from
the Lagrangian point L;. This is clearly seen from the density
and velocity distribution (Fig. 35a). The wind magnetic field
turns out to be so strong that it blocks the transversal plasma
motion in the magnetic field. Therefore, the ejected matter
moves towards the star predominantly along the wind
magnetic field (Fig. 35b). Consequently, the electromagnetic
force caused by the wind magnetic field plays an essential role
in this process, comparable to the gravity force, centrifugal
force, and the Coriolis force.

In the second model (weak field), the super-Alfvénic flow
regime is realized. The stellar wind interaction with the
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of a hot Jupiter. Solution is presented for the strong stellar wind magnetic field model (B, = 0.5 G) at the time 0.5P,, from the beginning of calculations.
Thin light line indicates Roche lobe boundary. Circle corresponds to planetary photometric radius.
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Figure 36. (Color online.) Distribution of density (color gradation and isolines), velocity (a), and magnetic field (b) (lines with arrows) in the orbital plane
of a hot Jupiter. Solution is presented for the weak stellar wind magnetic field model (B. = 0.01 G) at the time 0.26 P, from the beginning of calculations.
Thin light line indicates Roche lobe boundary. Circle corresponds to planetary photometric radius.

planet’s ionospheric envelope gives rise to a bow shock, which
is clearly seen in Fig. 36. This shock appears to consist of two
separate shocks, one of which emerges from the interaction of
the wind directly with the planetary atmosphere, and the
other, from the interaction with the stream from the
Lagrangian point L;. Inside the Roche lobe, the magnetic
field keeps the dipole structure. However, in the flows
forming on the day and night side, the magnetic field lines
are strongly stretched and distorted. As the stellar wind
magnetic field is weak in this case and does not play any
significant dynamical role, the flow structure corresponds to a
purely gas-dynamic case described in papers [28, 29].

4.3 Sub-Alfvénic flow regime
The sub-Alfvénic regime of the stellar wind flow around the
hot envelope of a hot Jupiter has interesting features. An
analysis of our calculations (see Fig. 35) shows that, in this
case, a new type of hot Jupiter envelope arises, because the
strong magnetic field of the stellar wind forces the matter to
move along not the ballistic trajectory but the wind magnetic
field lines. Clearly, the observational appearances of such
envelopes must be different than the super-Alfvénic flow.
The structure of the sub-Alfvénic flow (stellar surface
magnetic field B,=0.5 G) at time ¢t = 0.5P, from the

beginning of calculations is presented in Fig. 35. By that
moment, a turbulent magnetospheric tail on the nightside of
the planet has been formed. The magnetopause has been
formed completely. The stellar wind interaction with the
ionospheric envelope outflowing from the inner Lagrangian
point L; is shockless. The bow shock does not arise around
either the planetary atmosphere or the matter ejected from the
Lagrangian point L;. According to the classification pro-
posed by us in paper [140], an induced shockless magneto-
sphere with an open ionospheric envelope is forming.

One can see wave-like density (and other MHD quan-
tities) fluctuations in the wind around the planet. In our
models, these fluctuations arise in the sub-Alfvénic flows,
whereas in the super-Alfvénic flows, they are absent [140, 150,
151]. Their appearance can be explained as follows. The
velocities of the radial Alfvénic waves propagating in the
stellar wind are v, +ua and v, —us. The former waves
directly propagate along the magnetic field, the latter in the
opposite direction. In the super-Alfvénic zone of the stellar
wind, v, > ua, and, hence, the velocities of both Alfvénic
waves are positive. Therefore, any fluctuations in the stellar
wind will be carried out from the computational domain by
the moving plasma. In the sub-Alfvénic zone of the stellar
wind, v; < ua, and, hence, v; +up > 0 and v; —ua < 0. In
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Figure 37. (Color online.) Distribution of the decimal logarithm of density
(color gradation and isolines in the orbital plane and isosurfaces in the
space) and magnetic field (three-dimensional lines with arrows) in the
computational domain at time ¢ = 0.5P,,, from the beginning of calcula-
tions.

other words, some Alfvénic waves propagate outwards, and
others inwards. Also, consider that magnetosonic waves can
participate in these processes. A nonlinear interaction of these
waves likely gives rise to these density fluctuations.

The wind magnetic field turns out to be strong enough to
prevent ionospheric plasma motion across the magnetic lines.
The envelope matter moves predominantly along the wind
magnetic lines. This means that, in this case, in the process of
the hot Jupiter’s ionospheric envelope expanding, the electro-
magnetic force caused by the wind magnetic field is compar-
able to the gravitational attraction by the star, the centrifugal
force, and the Coriolis force. The wind magnetic field is
partially distorted by matter flows from the ionospheric
envelope but generally preserves its initial structure.

In the orbital plane, the flow is fragmented into separate
clumps. By the end of calculations, the envelope itself reaches
the left boundary of the computational domain. However, a
3D flow structure analysis suggests that most of the matter in
the flow concentrates below the orbital plane. This conclusion
follows from Fig. 37, showing the 3D flow structure at the
same moment (# = 0.5Pyp,). The logarithmic density distribu-
tion is shown both in the planet’s orbital plane (in color
gradation and by isolines) in accordance with Fig. 35 and by
isosurfaces in space. The 3D lines with arrows show the

magnetic field lines that begin in the orbital plane from the
left side of the computational domain.

The magnetic field geometry can explain such an asym-
metric configuration relative to the orbital plane in the
direction of the matter flow. In Fig. 35, the magnetic field
lines show the structure of the two-dimensional (in the plane
z=0) field (B:(x,»,0), B,(x,»,0)). In fact, due to the
planet’s dipole tilt, its south magnetic pole lies below the
orbital plane. Therefore, the magnetic field lines coming from
the star terminate on the planetary surface below the orbital
plane (see Fig. 37). As a result, the envelope matter should
slightly deviate down from the planet’s orbital plane by
moving towards the star along the magnetic lines.

It is also interesting to note that a magnetic barrier forms
in front of the planet along its orbital motion direction. It
appears as an extended region of magnetic line concentration
(see Fig. 35). Inside this region, magnetic field induction
increases. The arising of the magnetic barrier is related to
the induced field generated due to the interaction of the wind
magnetic field with the planet’s ionospheric envelope. We
stress again that, in all figures, the streamlining of the planet
by the stellar wind is shockless. Shocks never emerge either
around the planetary atmosphere or the matter outflow from
the inner Lagrangian point L;.

The extended ionospheric envelope of a hot Jupiter
forming in the sub-Alfvénic stellar wind flow around the
planet is fundamentally different from the envelope forming
in both purely gas-dynamical cases [28, 29] and the super-
Alfvénic flow [148, 151]. This difference is schematically
demonstrated in Fig. 38, showing the star (the filled color
ring with the inner radius corresponding to the stellar radius
and the outer radius corresponding to the coronal radius), the
planet (colored dot), and its extended ionospheric envelope
(blue-colored region). The green dashed line shows the Roche
lobe boundary in the planet’s orbital plane. The arrows
indicate the flow direction from the open ionospheric (gas)
envelope. In the case of a weak wind field (a purely gas-
dynamic or super-Alfvénic flow), the ionospheric (gas)
envelope stretches along the ballistic trajectory starting at
the inner Lagrangian point L;. If the envelope is open, the
matter stream continues moving along the ballistic trajectory
and is likely to form some ring-like structure around the star.
This situation is displayed in Fig. 38a.

In the case of a strong wind magnetic field (sub-Alfvénic
flow), the ionospheric envelope stretches from the inner
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Figure 38. (Color online.) Schematic structure of a quasi-closed envelope of a hot Jupiter in the case of a weak (a) and strong (b) stellar wind magnetic
field. The star is marked with a colored small circle. Blue region corresponds to planetary ionospheric (gas) envelope. Arrows indicate the direction of
matter outflow from the open ionospheric (gas) planetary envelope. Roche lobe is shown by dotted green line.
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Figure 39. (Color online.) Diagrams demonstrating the difference between
observational appearances of a quasi-closed envelope of a hot Jupiter in
the case of a weak (a) and strong (b) stellar wind magnetic field. The star
and the planet are shown by large and small filled circles. At the bottom,
the grey rectangle indicates eclipse phases. 1 —stage of excessive absorp-
tion of stellar emission by the envelope of a hot Jupiter before the main
eclipse (ingress), 2—main phase of the eclipse, 3 —stage of excessive
absorption by the envelope of the hot Jupiter after the main eclipse
(egress).

Lagrangian point L; along the wind magnetic lines. As the
wind magnetic field in this case is almost radial near the
planet, the envelope matter moves directly towards the star. If
the envelope is open, the matter flow continues moving along
such a trajectory so as to hit the star. This situation is
displayed in Fig. 38b. Thus, in a strong wind magnetic field
(sub-Alfvénic flow), a new type of ionospheric envelope
emerges that completes the envelope classification proposed
in papers [28, 29] on the basis of purely gas-dynamic
numerical modeling. To distinguish these two envelope
types, they can be referred to as super-Alfvénic quasi-closed
(open) envelopes (Fig. 38a) and sub-Alfvénic quasi-closed
(open) envelopes (Fig. 38Db).

As noted above, presently, the observational appearance
of extended envelopes around hot Jupiters can be considered
to be the detection of excessive absorption in the near-
ultraviolet spectrum during a planet’s transit. Here, a decreas-
ing flux occurs in both the ingress to eclipse and egress from
the eclipse (see, e.g., [17]). Clearly, the different structures of
quasi-closed (open) envelopes of hot Jupiters in the super-
and sub-Alfvénic flows must appear differently in such
observations. In Fig. 39, we schematically present the
possible observational differences of these two envelope
types. The large and small filled circles show the star and the
planet, while the arrows indicate the planet’s orbital motion.
At the bottom of the figure, the dashed rectangles correspond
to different eclipse phases. The main eclipse phase (the
transit) is marked by 2. In the case of a weak magnetic field
(Fig. 39a), the extended envelope of a hot Jupiter outflowing
along the ballistic trajectory should produce excessive
absorption before the beginning of transit (ingress, marked
by 1). After the termination of transit, this envelope does not
touch the disk limb and does not produce additional
absorption. However, in this case, some excess ultraviolet
absorption can be due to the planet’s magnetospheric tail.

In the case of a strong wind magnetic field (Fig. 39b), the
extended envelope of a hot Jupiter outflowing towards the
star along the wind magnetic lines must produce excessive
absorption both before the transit (ingress, 1) and after it
(egress, 3). The duration of both stages must be almost the
same. Deviations from the strict symmetry (the egress stage is
somewhat shorter than the ingress one) are due to the effects
of inertia forces on the dynamics of matter and the presence of
the azimuthal magnetic field component. In addition, as in

the previous case, the magnetospheric tail can also cause some
excessive absorption after the planet’s transit.

Considering the results obtained, we can note interesting
observational features of the transits of some warm Nep-
tunes. For example, paper [181] models the transit of GJ436b
in the Ly-a line. The obtained transit depth and light curve
parameters at the ingress stage are consistent with observa-
tions. However, the post-transit turned out to be too long
compared to observations. The authors of that paper note
that the wind magnetic field could be responsible for this
discrepancy. Another warm Neptune, GJ3470b (see, e.g.,
[182]), demonstrates an even shorter post-transit, although
the planet, apparently, should have a long tail of planetary
matter extending along the orbit. Thus, the model we describe
in the present paper can open up additional possibilities to
probe the parameters of stellar winds from the host stars of
hot Jupiters. In particular, this can provide new information
on the properties of the magnetic field in stellar winds.

4.4 Development of MHD models: necessary steps

Our first papers [28, 29] used a purely hydrodynamic
approach to model the structure of extended envelopes
around hot Jupiters. However, the analysis in this section
suggests that that is not sufficient. A more precise model
should include the magnetic field. It must take into account
both the proper magnetic field of the planet and the wind
magnetic field. The calculations presented above show that
taking into account the magnetic field can significantly affect
the structure of extended envelopes around hot Jupiters
(which is crucial for interpreting observations) and the long-
term evolution of these exoplanets.

It appears worthwhile to further develop the MHD
models by including additional effects. First of all, we note
that our numerical model has ignored magnetic viscosity.
However, in some parts of the flow, the magnetic field
diffusion can be important. In particular, the Bohm diffusion
[183] with the magnetic viscosity

1 ckT
g = 16 ¢B ’ (81)
where c is the speed of light, and e is the elementary charge,
can develop on the dayside at the boundary between the zones
with the planet’s open and closed magnetic field lines. In these
regions of the hot Jupiter’s magnetosphere, the magnetic field
reconnection should efficiently occur, as in Earth’s magneto-
sphere [141]. Similar processes should take place in the
magnetospheric tail on the night side. The artificial viscosity
has been responsible for all these effects in our calculations,
which is determined by the difference scheme used and the
grid structure. We propose including the Bohm magnetic
viscosity into our numerical model to better treat these
processes in future studies.

In our numerical calculations of the stellar wind flow
around the envelopes of hot Jupiters, we have not taken into
account the possible sectorial structure of the stellar wind
magnetic field (see, e.g., [169]). Our studies have been focused
on the effects of the global wind parameters and the proper
planetary magnetic field. However, the effects of the planet
crossing the current layer and the polarity changing are
obviously important and should be considered. In particu-
lar, they can significantly perturb the planet’s magnetosphere
and hence change the mass-loss rate. In modeling the planet
crossing through the current layer when the wind magnetic
field polarity changes, not only should the model of the
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current layer be specified, but also the magnetic viscosity
should be taken into account.

The model of interaction of the magnetized stellar wind
with the extended envelope of a hot Jupiter must be consistent
with the wind. In our calculations, as a rule, we have used an
approximate wind model, in which its radial velocity is
constant in the computational domain. This approximation
is justified in a purely gas-dynamical case. In a magnetized
stellar wind, it does not allow us to compute the location of
the Alfvénic point correctly. This is especially apparent in
modeling the flow structure in the transitional (grey) zone. In
the axially symmetric approximation, it is possible to use the
MHD wind model described in [171]. In this case, the
calculation of the radial dependence (distance to the star) of
the MHD quantities reduces to numerically solving a system
of algebraic equations. We have already attempted to calcu-
late the MHD structure of the stellar wind around the hot
Jupiter HD 2094580 in this model [152].

In addition, global problems related to the generation of
the proper magnetic field in the planetary atmosphere remain
unaccounted for. However, to this end, it is necessary to
simultaneously calculate the dynamics of the extended
envelope and the atmosphere, which is an insurmountable
problem as yet. Despite the progress in our modeling
envelopes and atmospheres of exoplanets, the models now
describe only separate processes in the exoplanets. The next
logical step is creating a unified self-consistent model capable
of simultaneously describing both the inner structure of the
atmosphere and the extended envelope interacting with the
stellar wind. Taking into account suprathermal particles
(with a kinetic energy excess) in the aeronomical model of
the upper atmosphere of an exoplanet (see Section 2) allows
us to calculate the principal characteristics of the atmospheric
gas self-consistently, including the density, temperature,
chemical composition, cooling and heating rates, atmo-
spheric glow excitation rates, and rates of thermal and
suprathermal dissipation of the atmosphere. The combina-
tion of the aeronomic model with the 3D MHD model
described in this section will enable us to obviate the need
to set artificial boundary conditions in envelope studies, to
estimate more correctly the mass-loss rate by hot exoplanets,
and to assess their possible observational appearances
depending on the parameters of the planet, of its atmo-
sphere, and of the host star.

5. Effect of stellar activity
on envelopes of hot Jupiters

In the previous sections, we have discussed the fact that
envelopes of hot Jupiters can extend far beyond the planet’s
Roche lobe; here, the dynamical pressure of the stellar wind
keeps the stable size and location of the envelope. The HJ
envelopes are weakly bound gravitationally with the planet.
Even a slight variation in the stellar radiation and/or stellar
wind can significantly change their structure and affect the
mass-loss rate.

The Kepler Space Telescope launch heralded a new era in
studies of flares of Sun-like stars. In particular, the statistical
properties of strong flares of such stars were calculated for
the first time [184—186]. For solar-like stars, flares with an
energy of 10° erg, when the XUV intensity increases by
~ 2 orders of magnitude over a timescale of half an hour, were
found to occur once every 500-600 years on average [186]. At
the same time, a solar-like star was found that demonstrates

such flares once every 100 days [185]. Such strong flaring
activity must affect the HJ envelopes significantly. Moreover,
even inactive late-type stars, like the Sun, have a stellar wind
that can sharply vary. The strongest solar wind perturbations
are due to coronal mass ejections (CMEs). In solar CMEs, the
characteristic mass of plasma injected into the interplanetary
medium is around 10" g, the mean total energy is about
103! erg, and the propagation velocity varies in the range of
20-3000 km s~! with a mean value of about 500 km s~' [187,
188]. The mean velocity and rate of solar CMEs change
during the solar activity cycle. Even for a relatively quiet
Sun, the rate of CMEs is quite high, from ~ 0.5 a day at the
solar minimum to ~ 4 a day at the solar activity maximum
[188].

In this section, based on the results of our calculations [79,
189-194], we consider in a consistent manner the effect of
CMEs on HJ envelopes, focusing on changes in the structure,
observational properties of the envelopes, and their evolu-
tionary status.

5.1 Effect of a stellar flare

on the dynamical state of the atmosphere

5.1.1 One-dimensional model. The modeling of the gas-
dynamic response of an atmosphere on a UV flare requires
the correct calculation of the heating and modeling of
chemical processes, which is difficult in the full 3D setup. To
model the atmospheric reaction on the flare, we have
elaborated earlier on a one-dimensional aeronomic code [75,
195]. In this code, the atmosphere of a giant planet with a
primary atmosphere is modeled along the line connecting the
star’s and the planet’s centers, corresponding to the maximal
irradiation. The code includes a chemistry calculation with
nine components (H, H,, e, H', HJ, Hf, He, He™, and
HeH™) and 19 chemical reactions among them. The absorp-
tion is calculated in the extreme UV (100-1150 A) and soft
X-ray (10-100 A) bands. The spectrum is split into energy
‘bins.” The code also models the heating by suprathermal and
super-thermal photoelectrons.

In papers [79, 191], this model was used to calculate the
dynamical response of the atmosphere of HD 209458b to a
flare from the host star. The calculations were carried out for
a strong stellar flare with parameters defined in papers [196,
197]. The calculations assumed that the extreme UV radiation
from the star increased by 100 orders of magnitude at the flare
beginning and stayed constant over the entire flare duration
(24 min).

As expected, one of the apparent results of the flare effect
on the hot Jupiter’s atmosphere is local heating that increases
the atmospheric gas temperature. The local atmospheric
heating due to extreme UV absorption leads to a dynamical
response — the formation of two shocks propagating inward
and outward in the atmosphere of the hot exoplanet. The
change in the dynamical state following the stellar flare is
presented in Fig. 40.

Figure 41 shows the temperature change at the radial
profile peak and the temperature peak height as a function of
time from the stellar flare beginning. The dashed lines show
the parameters of the inner peak caused by the inward shock.
Note that the temperature peak height (radial distance)
decreases on a timescale of shorter than 30 min during the
dynamical response of the atmosphere on the stellar flare.

To assess the possibility of the observational appearance
of a stellar flare on the upper atmosphere of a hot exoplanet,
we have estimated the atmospheric luminosity in the Ly-o line
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Figure 40. (Color online.) Dynamical state change due to a stellar flare.
Shown are radial profiles of the temperature (a), ratio of mass density in
the current state to gas density before the flare (b), and velocity (c) in the
atmosphere of hot Jupiter HD 209458b before (0 min) and during the
stellar flare (24 min), before the atmospheric shock break-out (24—
180 min), and at the atmosphere relaxation stage (180-240 min).
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Figure 41. Change in the radial profile of the temperature peak (a) and the
temperature peak height (b) as a function of time from the flare beginning.

using calculations of the hydrodynamical characteristics of
the atmosphere (see Fig. 41). These calculations enabled
determining the source function as the Planck function at
the local temperature in each cell of the computational
domain by assuming the LTE. Next, considering the radial
distribution of atomic hydrogen, we have estimated the
atmospheric absorption of local sources in the Ly-o line,
enabling the calculation of the Ly-a line profile at the outer
boundary of the exoplanet atmosphere.

Figure 42 presents the Ly-a line profiles before, during,
and after the stellar flare. The calculations suggest that at the
outer boundary of the atmosphere of hot Jupiter HD 209458b,
a double-hump Ly-a profile arises; 60 and 180 min after the
flare, features in the line profile appear reflecting the shocks
propagating in the atmosphere.
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Figure 42. Atmospheric luminosity profiles of the hot Jupiter HD 209458b
in the Ly-a line at the outer atmospheric boundary before (solid lines),
during (dashed line), and after (60 min— dashed-dotted line; 180 min—
dotted line) a stellar flare.

Figure 43 shows how the integral luminosity of the
atmosphere of hot Jupiter HD 209458b in the Ly-a line
changes due to the dynamical response of the atmosphere to
the stellar flare and after its termination.

Note that the Ly-o energy flux from the atmo-
sphere of hot Jupiter HD 209458b is estimated to be
~ 2.0 x 103 ergecm™2 s~! 180 min after the stellar flare. At the
same time, the energy flux in this line from the host star is
~ 5.6 x 10° erg cm~2 s~!. In order to compare these energy
fluxes in the Ly-a line, it is necessary to normalize the energy
flux emitted by the atmosphere of HD 209458b to the surface
area ratio of the planet and the host star, i.e., by the factor
S=(Rp /Rsm)2 approximately equal to 10~2. Correspond-
ingly, the Ly-o flux ratio from the HD 209458b atmosphere
and the host star is about 1073, Figure 43 suggests that this
ratio can increase by several orders of magnitude during the
stellar flare. As modern photodetectors enable registering
such flux ratios, it is possible to observe the appearance of
shocks due to the dynamical response of the atmosphere to
the stellar flare.

5.1.2 Three-dimensional model. Paper [193] used a 3D gas-
dynamical model to compute the flow of matter ejected from
the atmosphere due to heating by a stellar flare.

The flare was modeled as a short-time increase in the XUV
(10-1150 A) radiation intensity. Flares with different inten-
sities have different durations. For example, a flare with an
intensity increased by a factor of 10 lasts for 12 min; 100-
fold and 1000-fold intensity flares last for 24 and 30 min,
respectively. The assumption that the radiation intensity
increases simultaneously in all model wavelength ranges
during the flare is physically acceptable for hydrogen-helium
envelopes and solar-type host stars. The constant time profile
of the flare is another model simplification, an assumption
that does not affect the results, because the flares are short
enough, and the atmosphere hardly reacts to the heating
during the flare. The test calculations showed that, for this
problem, similar to the stationary solution, the radiation
pressure does not affect the solution significantly and can be
ignored, at least for the given planet.

The calculations assume that the proper rotation of the
planet is synchronized with its orbital period. The initial
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Figure 43. Change in the integral atmospheric luminosity of the hot Jupiter
HD 209458b in the Ly-a line at the outer atmospheric boundary before,

during, and after a stellar flare.

condition in this study is taken from paper [29]; it corre-
sponds to a closed atmosphere with a temperature of Ty =
7000 K and a density at the photometric radius of nphe =
5 x 10'° cm~3. As nothing is known about the stellar wind in
this system, we used the solar wind parameters at a distance
corresponding to hot Jupiter HD 209458b: particle number
density fying ~ 10* cm™3, velocity vying = 100 km s~!, and
temperature Tying = 7.3 % 10° K [77]. The mass-loss rate in
this stationary system is ~ 10° g s=!, predominantly via the
second Lagrangian point L, [99].

The calculations were performed on a nonuniform
Cartesian grid 40 x 40 x 20 Ry in size, condensed to the
planet’s center. The cell size at the planet’s photometric
radius did not exceed the model atmosphere height scale.
We used the Roe numerical scheme [107]; the entropy fix was
based on the LLF method. We also used the TVD correction
to increase the space approximation degree in the smooth
solution regions without smearing shocks [108].

Figure 44 demonstrates the distributions of gas-dynami-
cal variables at the height Ry.x = 1.3Ry,; in the planetary
atmosphere obtained in the 1D aeronomic model. This height
corresponds to the temperature profile maximum in a
stationary atmosphere. In correspondence to the 1D model
data, the temperature at the inner boundary Ry, was set as
follows. At the under-stellar side of the planet during the flare
and the subsequent relaxation to the initial conditions, the
boundary conditions were

T(l7 Rmax) = Tatm + (Taer(t’ Rmax) - Tatm) cos ¢7

p([, Rm’dx) = Pinit + (paerA rel (t: Rmax) - 1) Pinit COS ¢ ) (82)

r
V(t7 Rmax) = Uaer(t7 Rmax) COS¢ ; .

Here, Toer(,7), Paer. el (1, ), and vaer (2, 1) denote the tempera-
ture, relative density, and radial velocity of matter for the
atmosphere response to the flare as obtained in the 1D
aeronomic model presented in Fig. 44. The angle ¢ counts
out between the vector directed to the given point (r) and
the x-axis coincident with the orbital axis of the system.

Note that such boundary conditions are the simplest ones
provided that only the calculation for the under-stellar point
is available. This distribution is not fully physically justified:
for example, according to it, heating at the planet’s termina-
tor will be zero, which is not the case. Other effects, such as
winds in the low atmospheric layers, are also ignored in this
setup. However, these boundary conditions give a reasonable
approximation for the 3D modeling of the interaction of
shocks propagating in the atmosphere with the surrounding
stellar wind.

Although the characteristic model flare durations are less
than half an hour, perturbations in the atmosphere propagate
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Figure 44. Time profiles of gas-dynamic quantities during pulse UV-
heating at height Ry, = 1.3Rp. This point corresponds to the tempera-
ture peak of the stationary solution. (a) Temperature, (b) relative velocity,
(c) atmospheric gas velocity at the fixed height. Profiles for flares lasting
for 12, 24, and 30 min for a weak (10-fold amplification), moderate
(100-fold amplification), and powerful (1000-fold amplification) flare are
shown by the solid, dashed, and dotted lines, respectively.

much longer. For example, for the middle-intensity flare and
the outward shock velocity vyave 1 = 23 km s~!, the char-
acteristic time of the perturbation propagation up to the
atmospheric contact discontinuity is © = 4Rp1/Vwave,1 ~ 5 h,
where 4Ry, is the longitudinal Roche lobe size for the model
planet. The time of interaction of the ejected atmospheric
mass with the stellar wind, which results in matter sweep by
the stellar wind, is tens of hours.

Figure 45 presents the results of modeling the atmosphere
dynamics for a middle-intensity flare with a 100-fold XUV
intensity increase lasting 24 min. Figures 45a—f correspond to
the initial solution and five subsequent time moments during
the mass ejection from the atmosphere. Figure 45b, corre-
sponding to ¢ = 4.6 h after the flare beginning, which is much
longer than its duration, suggests that the atmosphere ‘swells’
at the under-stellar point during the break-out of the shock
formed deep inside the atmosphere. As a result, the visible size
of the atmosphere will increase for the observer. Later on, the
expelled matter will interact with the incident stellar wind,
part of the matter will be carried away downstream, while
another part can return to the atmosphere.

Figure 45c, corresponding to the moment ¢ = 8.4 h after
the flare beginning, shows that the matter ejected towards the
star passes through the vicinity of the Lagrangian point L; to
form a stream, which, as seen from Fig. 45d, is withdrawn and
carried away from the planet downstream from the stellar
wind. After later perturbations, the atmosphere relaxes to its
initial form.

Figure 46 presents the result of modeling a low-intensity
flare with a 10-fold flux increase over 12 min. This flare is
weaker by one order of magnitude than the previous case. The
heating wave in the atmosphere also has a significantly lower
velocity, 15 km s~! vs. 23 km s~! in the previous case, and
power. In this solution, the flare effects are almost invisible.
It is seen that the form of the contact discontinuity in the
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Figure 45. Atmosphere dynamics during atmospheric ejection caused by heating by a moderate-amplitude flare. Shown is the density distribution in the
orbital plane of the system on a logarithmic scale. All distances are in units Ry. In each figure, the time after the flare beginning is shown in the top right

corner. In Fig. a, the stationary solution from paper [29] is presented.

atmosphere changes after the flare, but this process does not
affect either the mean mass-loss rate or the observational
appearances of the envelope.

The results of modeling a 1000-fold flare lasting 30 min
are shown in Fig. 47. Here, the atmospheric heating is
accompanied by a very powerful mass ejection, and the
expanding atmospheric matter shifts the surrounding stellar
wind. Furthermore, it is seen that, ~ 15 h after the flare, the
ejected atmospheric matter is collimated along the streamline
in the Roche potential of the system. After ¢ =~ 20 h, the flare
goes out of the computational domain.

3D calculations suggest that, after the flare, the character-
istic size of the hot Jupiter’s envelope will increase, which can
be potentially observed. The 3D modeling enabled us to
calculate the photometric light curve in the Ly-a line for a
middle-intensity flare. The calculation of absorption for the
photometrical curve was carried out using formulas from

paper [103], taking into account the Doppler shift and
nonequilibrium ionization.

Figure 48 suggests that the matter ejected after the flare
increases the eclipse depth by a few percent (from 4% to 6%).
This effect lasts for about 2 h, whereas the transit duration is
around 3 h. Since eclipse deepening by the planetary envelope
occurs much later than the flare—for a middle-intensity
flare, the eclipse ‘time delay’ is ~ 5 h—it will be possible to
note the eclipse increase in the stationary photometric light
curve.

Note that, for this effect, the perturbation propagation
velocity in the atmosphere depends on the flare intensity. The
stronger the flare, the faster the perturbation propagates, and
the earlier and more pronounced the increased absorption.
This paper used the parameters of a closed atmosphere; the
solution with a quasi-closed envelope will produce a much
larger eclipse corresponding to observations.
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Another physical effect is the mass loss from the atmo-
sphere after the host star flare. The modeling enabled us to
plot the mass-loss rate as a function of time shown in Fig. 49
on a logarithmic scale. The mass-loss rate is calculated as the
atmospheric matter flux through the sides of a 12x12x 16 Ry,
cube centered on the planet. Here, the atmospheric matter is
traced using an additionally computed transfer equation.

The presented plot suggests that the flux for the low- and
middle-intensity flares increases about 15 h after the flare; for
a powerful flare, the ejected matter arrives at the boundaries
of the computational cube already after three hours. This is
because the observed flux for the powerful flare represents the
expanding atmospheric matter pushing the stellar wind, as
seen in Fig. 47. The ejected matter interacts for a significant
time with the stellar wind inside the computational domain
for less powerful flares. Only after that is it carried away
downstream to enhance the mass loss.

It is possible to calculate the total mass loss due to the flare
by integrating the instantaneous mass loss rate. For flares

with different intensities, the total mass loss is AMy =
4 x 103 g, AM 99 = 2 x 10'* g, and AM g9 = 2 x 10" g for
the first, second, and third flares. Here, the prolonged
duration of the enhanced mass loss is ~ 30 h in all cases. For
the middle-intensity flare, the mean mass-loss rate exceeds
the stationary value by only a factor of three, and for a weak
flare, by only a factor of 1.5. Therefore, flares with a UV
intensity growth of less than one order of magnitude do
not appreciably improve the rate of mass loss.

Flares with different amplitudes occur at different rates.
For example, in a solar-type star, in the XUV range, the
model 100-fold intensity flare occurs once every hundred
years. On the other hand, the 10-fold and 1000-fold flares
occur once every ten and thousand years, respectively.
Considering these rates, we can estimate the total flare-
induced mass loss over one billion years to be AM ~ 102 g.
As in the stationary wind with given parameters, where the
atmospheric mass loss rate is M =1 x 10° g s~ [99], the
planet loses AM = 3 x 10%° g over this time. These values are
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Figure 47. The same as in Fig. 45 for a strong flare.
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comparable; therefore, one should take into account this
mass-loss mechanism in evolutionary studies of planets of
this class.

5.2 Interaction of coronal mass ejections

with extended envelopes of hot Jupiters

The effect of CME from low-mass stars on the secondary
atmospheres of Earth-like exoplanets in the habitability zone
was considered, for example, in papers [198, 199]. These
papers showed that planets with a weak magnetic field could
lose hundreds of bars of atmospheric pressure due to CME.
Paper [200] investigated the interaction of CME with
planetary magnetic fields and showed that planets orbiting
dwarf M-stars should possess a few dozen magnetic fields to
prevent the destructive effect of CME on the atmosphere. For
hot Jupiters orbiting solar-like stars, the magnetic fields do
not exceed a few gauss [68, 125-127]; therefore, CME can play
an essential role in the planetary atmosphere evolution.

Papers [189, 190, 194] presented results of 3D gas-
dynamic simulations of the process of CME passing through
the extended envelope of a hot Jupiter. The results of
modeling of HD 209458b from paper [29] were taken as
boundary conditions, and the CME parameters were taken to
be solar-like at the exoplanet distance. For example, paper
[190] used data corresponding to the CME of April 12, 1998
[201]. The unperturbed wind parameters at the model planet’s
orbit were chosen following paper [29]: velocity of 100 km s~!,
temperature of 7.4 x 10° K, and density of 10* cm—3. The
CME velocity was assumed to be 1300 km s~! according to
paper [202]. The typical CME consists of three phases: the
shock and the early and late CME, during which the wind
parameters significantly change. Also, perturbations change
as the CME propagates. Therefore, to find the CME char-
acteristics at the distance of the HD 209458b orbit, the solar
CME parameters determined at the Earth orbit should be
recalculated. The CME velocity, density, and temperature
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Figure 48. (Color online.) Increase in Lyman-alpha line absorption due to atmospheric ejection for a 100-fold flare. (a) Lyman-alpha eclipse for the
stationary solution and (b) at the moment of maximum eclipse # = 5 h after the flare beginning. The eclipse is enhanced by several percent on a time scale
of a few hours. The time in hours is along the abscissa. Thick red line indicates the eclipse due to the planetary disk alone (1.8%).
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Figure 49. Mass-loss rate after flares with different intensities; solid,
dashed, and dotted lines are for moderate, weak, and powerful flares,
respectively. The time in hours is along the abscissa.

profiles, recalculated in paper [190] for the corresponding
distance, are presented in Fig. 50. Three different speeds,
3000, 1300, and 600 km s~ ! for a fast, moderate, and slow
CME, were considered. Their durations were 1.3, 3.0, and
6.4 h, respectively.

All three CMEs similarly affected the flow, so that in
Fig. 51 we show only the solution for the fast CME lasting
1.3 h. This figure displays the density distribution in the
equatorial plane for nine moments, three for each CME
phase. The time after the start of calculations is shown in the
upper right corner. The dynamical wind pressure in the CME
shock is ~ 9 x 10° of the undisturbed wind value, so that, at
the first phase, the CME shock virtually completely destroys
the extended envelope (the flow from the L; point vicinity),
not disturbing, however, the atmosphere inside the planet’s
Roche lobe. The dynamical pressure at the next phase of the
early CME is lower (~ 8 x 10?> of the unperturbed wind
value), but this pressure turns out to be sufficient to lock the
atmosphere inside the Roche lobe of the planet and ultimately
block the flow from the L; and L, points. A similar picture
can be observed during the third phase (the late CME), where
the dynamical wind pressureis ~ 3.6 x 10° of the undisturbed
value. Figure 52 shows the mass-loss rate as a function of
time for three solutions. In this case, the mass-loss rate is

Table 3. CME duration, total mass loss, and mean mass-loss rate by an
extended envelope during planetary passage through a CME.

CME Fast Moderate Slow
CME duration, h 1.3 3.0 6.4
Total mass loss, 10" g 1.5 1.0 1.2
Mean mass-loss rate, 10° g s~! 226 71 39

calculated as the total flux through the computational
domain boundaries, so the plot has some delay. The plot can
be used to estimate the relaxation time to the stationary rate of
mass loss after the planet’s passing through a fast, moderate,
and long CME as ~ 0.6, ~ 1.2, and ~ 2 h, respectively.

In the stationary regime, the mass-loss rate for the studied
flow is ~ 3 x 10° g s~! [99]. The flow passing through the
CME leads to the entire extended envelope’s withdrawal and
temporarily increases the mass-loss rate. Table 3 lists the total
mass loss and the mean mass-loss rate during the CME
passage. The table shows that the total mass loss rate remains
about the same in all three cases. This is entirely expected,
because the CME duration is inversely proportional to its
speed. Assuming a mean CME rate for a solar-type star of
~ 23 per month [203], for a hot Jupiter with a quasi-
stationary envelope, the CME-induced mass loss can
be estimated as ~ 2 x 10%° g over one billion years for the
planet’s mass of ~ 10%° g. Here, solely due to the interaction
with the undisturbed stellar wind, the planet will lose
~ 9 x 10% g at a mean mass-loss rate of ~ 3 x 10° g s~ [99].

As shown in papers [189, 190], a head-on collision with
CME fully withdraws the extended envelope. To investigate
the effect of a less powerful CME, papers [194, 204]
performed numerical simulations of a tangential collision of
a planet with a narrow and weak CME. Those papers used a
simplified configuration of the typical solar CME consisting
of three phases; the duration of the phases was assumed to be
the same and equal to one-third of the CME duration.
Physical parameters such as density, pressure, and radial
velocity remained constant inside each separate phase. Two
CME types were considered: long (3 h) and short (0.5 h). In
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Figure 50. (Color online.) Time profiles of stellar wind velocity and
density during passage of a slow (green), moderate (red), and fast
(blue) CME (time in hours). Horizontal black line indicates the
stationary stellar wind. Figures ¢ and d display the relative velocity
and density of the stellar wind.

both cases, the wind velocity in the entire CME was set to be
constant: 1.3 x 103 km s~! and 6 x 10> km s~! for the long
and short CME, respectively, for an undisturbed wind
velocity of 100 km s~'. The stellar wind density was
1.66 x 1071°, 1.66 x 1072, and 8.3 x 1072 g cm™? at the
first, second, and third phases, with an undisturbed wind
density of 1.66 x 1072° g cm™3. The duration of all three
phases was the same and equal to 1 h and 0.17 h for the long
and short CME, respectively. The CME matter was assumed
to move within a 30° cone before entering the computational
domain.

Figure 53 shows the logarithmic density distribution in the
equatorial plane of the system and the density isosurface
p =2.5x 1078 gcm™3 for the ‘long’ CME model. The planet
is at the computational domain center in these plots, and the
star lies to the left outside the figure limits (in the negative X’
region). The velocities are given in the planet’s frame. All sizes
are normalized to the planet’s radius.

At t =0, the CME (Fig. 53a) first touches the extended
envelope. The CME is so short that all its three phases are
within the computational domain by this time. At 7 = 120 min
(Fig. 53b), the CME has already left the computational
domain by breaking the shock system before the atmosphere
and the envelope but has not disturbed the envelope itself.
Nevertheless, a rarefication wave behind the CME decreased
the pressure near the planet, which has destabilized the
envelope, and, by the time ¢ = 261 min (Fig. 53c), almost
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Figure 51. (Color online.) Density distribution in the orbital plane of a planet with a quasi-closed envelope during interaction with fast CME. The time in
hours is shown in the upper right corner. Star is to the left outside computational domain boundary. All sizes are in units of Ry,;.
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Figure 52. (Color online.) Mass-loss rate as a function of time when
crossing a fast (a), moderate (b), and slow (¢) CME. The vertical red lines
indicate the limits of the three CME phases. At the end of calculations, the
dashed-dotted line shows the extrapolation of the mass-loss rate to the
level obtained for the stationary wind (dotted line), 3 x 10° gs™!.

the entire stream from the inner Lagrangian point L; has
dispersed, and the envelope around the planet has started
dispersing (see paper [194] for more detail). By the end of
computations (¢ = 642 min, Fig. 53d), the envelope continues
dispersing. The full animation for the ‘long’ CME model can
be found at https://bit.ly/2RvWP3x.

Figure 54, like Fig. 53, presents the solution for a shorter
CME, also interacting tangentially but delayed relative to the
planet’s motion. At 1 = 10 min, the CME (Fig. 54a) first
touches the extended envelope. Next, Fig. 54b shows the
moment ¢ = 116 min when the CME has passed through an
almost entire computational domain. As in the first calcula-
tion, by this time, the envelope still preserves its form, but the
violation of the pressure equilibrium destroys it by the time
t = 261 min (Fig. 54c). The second calculation was completed
much later, allowing us to observe the envelope recovering
(t = 1040 min, Fig. 54d). The full animation for the ‘short
CME’ model can be found at https://bit.ly/31JpEyd.

An interesting feature of the flow in the hot Jupiter
envelope colliding with the CME is the mass loss in both
the equatorial plane and the perpendicular direction. The
diameter of the gas envelope immediately around the planet
increases significantly and even exceeds the computational
domain, i.e., larger than 10R,;, which is clearly seen in Figs 53

and 54 by comparing the flow at the beginning and at the end
of the CME passage. This means that the moment of passing
through the CME should be clearly observable in hot Jupiter
transits.

The results of the modeling imply that even a tangential
interaction with CME destroys the extended envelope. What
is most destructive is the rarefication zone following the
CME —a local decrease in the dynamical pressure leads to
envelope expansion and its density decrease, which breaks the
stationary flow, and almost all the envelope mass is shed. The
planet’s calculated lost mass was ~ 10'3 g for both cases. The
approximately equal mass loss is because the interaction with
the CME results in the entire envelope being shed. A similar
picture was observed in the model considered in papers [189,
190]. Thus, even weak and narrow CMEs are dangerous for
the extended envelope, which should be taken into account in
estimates of the atmospheric mass loss from hot Jupiters.

5.3 Dependence of the exoplanetary atmospheric

mass loss on the coronal mass ejection rate

The formation time of a quasi-closed planetary envelope Zrorm
is another important parameter determining the total atmo-
spheric mass-loss rate caused by CME [205]. According to the
gas-dynamical calculations [29], for HD 209458Db, this time is
trorm =~ 24 h, which is about two times as long as the stream
formation time in the ballistic approximation. Calculations
in [29] suggest that the envelope extension L (distance from
the L point to the head-on collision point) is ~ 7Ry. How-
ever, the analysis of the HST observations of the exoplanet
WASP-12b [206] carried out in paper [121] suggested that the
envelope size can be much larger, L > 21Ry,. Clearly, for
larger envelopes, Meyy, foss» and tporm are different. According
to our estimates, the maximum possible size of the envelope of
HD 209458b should be ~ 52Ry, its mass is ~ 107> M, and
tioss and tgorm are ~ 15 and ~ 39 h, respectively.

The combination of these three parameters, Meyy, fioss»
and fgm, allows, in principle, determining the dependence
of the exoplanetary atmospheric mass loss on the CME
occurrence rate. However, the CME duration tcyg com-
pared with the envelope loss time 715 should also be taken
into account. Indeed, if the CME duration exceeds ., the
efficiency decreases, because the entire envelope will be
removed over time fj,s, and no mass loss occurs in the time
interval tcmE — toss- If fomE 18 less than f4, the efficiency also
decreases, because only the fraction M,y tcMmE/foss Of the
envelope will be carried away during the CME. Clearly, what
is optimal is a CME with tcmg = #1055, and we will consider
only such flares below.

The flare rate significantly changes over the star lifetime.
Data, including those obtained by the Kepler space telescope
[207], enable determining the empirical dependence between
the star age and the rate of superflares with energy exceeding
the mean energy of the solar flares by three orders of
magnitude: f~ ¢~ Here, according to [185], the relation
between the frequency and power of flares in solar-type stars
has the universal form dN/dE ~ E~2. This allows us to
suppose that the rate of flares of any type changes with
stellar age following the same law as superflares.

Consider the effect of the CME occurrence rate on the
mass-loss rate. As shown above, the optimal efficiency is
attained for the ejection duration tcmp = f10ss. In addition,
the flares will carry away a maximal amount of matter if
the envelope has time to form, i.e., the time between CMEs
should be fform. This means that the most effective mass
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Figure 53. (Color online.) Solution for time (a) t=0, (b) =120,
(¢) t =261, and (d) = 642 min for a ‘long’ CME.
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Figure 54. (Color online.) Solution for time (a) ¢t =10, (b) =116,
(¢) t = 266, and (d) = 1040 min for a ‘short’ CME.

outflow per unit time is attained for the characteristic time
between the flares equal to f1oss+ fform, and the total mass-loss
rate M = My /(tioss+ trorm )- For a quasi-closed envelope with
a size of L ~ 7Ry, the optimal flare periodicity is 31.4 h, and
the total mass-loss rate is ~ 10'% g s7! or ~ 1.64 x 10~13 of
Jupiter’s mass per year. For an envelope with maximal size
(L ~ 52Ry), the optimal mass-loss rate will be about the same
for the characteristic time of 54 h between the flares.

The above estimates of the mass-loss rate are maximal
for flares powerful enough to shed the external envelope but
insufficient to withdraw the matter inside the Roche lobe.
Note that these estimates are in agreement with the mass-loss
rate due to free outflow from the inner Lagrangian point
My, =2x 10" g s~'. This enables using the theoretically
determined value ML1 in the general analysis of the mass loss
from exoplanets.

With an increasing or decreasing flare rate (with constant
flare duration), the losses will decrease, because either the
flares will overlap to block the matter outflow from the Roche
lobe or the envelope will be in a quasi-steady state between the
flares, when the mass-loss rate is low. Beyond some threshold,
the increase in the flare power will lead to shedding both the
external envelope and matter inside the Roche lobe, which
strongly enhances M. This mechanism requires further
investigation, because the direct effect of powerful CMEs on a
dense atmosphere can significantly (by orders of magnitude)
increase the mass-loss rate from hot Jupiters.

From knowledge of the flare rate dependence on the
stellar age [207] and using the observed solar flare rate, it is
possible to estimate the age at which a hot Jupiter with the
parameters of HD 209458b will have a maximal mass-loss
rate. The most favorable flaring rate happens at the age of
0.8 billion years. This estimate is based on the assumption

that the envelope size is ~ 10Ry; however, its maximal
extension, in the case of a low stellar wind velocity, for
HD 209458b is ~ 52R;,). The same mass-loss rate is reached
for a flare periodicity of once every 54 h, corresponding to the
stellar age of 1.2 billion years.

5.4 Effect of a magnetic field

on envelope interaction with coronal mass ejections

The analysis in Section 4 (see also [140]) showed that the
stellar wind magnetic field is an important factor determining
the flow structure in the envelope of a hot Jupiter, because
many hot Jupiters are inside the sub-Alfvénic stellar wind
zone where the magnetic pressure exceeds the dynamic
pressure. As the Alfvén velocity does not exceed the fast
magnetosonic speed, for hot Jupiters from the sub-Alfvénic
zone, the wind velocity is lower than the fast magnetosonic
speed. This case corresponds to a subsonic streamline of the
body when no bow shock arises in pure gas dynamics. A
similar situation occurs in magnetohydrodynamics. This
means that the stellar wind flow around a hot Jupiter from
the sub-Alfvénic zone should be shockless [143].

Paper [150] considered possible effects related to the
change in the streamlining of a hot Jupiter’s atmosphere
when passing through a CME. The CME parameters used in
that paper are presented in Table 4. These parameters are
detected near Earth’s orbit, where the shock, determining
the beginning of the first phase, is purely gas dynamical. This
is because the solar wind magnetic field in this region is
weak. However, in the sub-Alfvénic zone of the solar wind,
the shock at the CME front is a fast MHD shock wave.
Therefore, its parameters (particularly its front propagation
speed) can be significantly different from those of a purely
gas-dynamical shock.
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Table 4. Stellar wind parameters (density, temperature, magnetic field, and
Alfvén Mach number) during CME passage.

Phase 1 2 3 4
Duration, h — 8.5 13 22
n/ny 1 4 0.6 10
T/Ty 1 5.07 0.79 0.30
v/ 1 1.33 1.44 1.11
B/By 1 2.25 1.75 1.13
e 1 1.18 0.63 3.11

In Section 4, we have shown that the interaction of the
stellar wind with the planetary ionospheric envelope in the
case of a strong magnetic field is shockless. The bow shock
does not arise around either the planetary atmosphere or the
matter ejected from the L; point. The stellar wind magnetic
field is so strong that it blocks the free motion of plasma
perpendicular to the magnetic field lines. Therefore, the
ejected matter moves towards the star predominantly along
the wind magnetic field lines. Thus, in this case, the
electromagnetic force caused by the stellar wind magnetic
field is comparable to the stellar gravity force, the centrifugal
force, and the Coriolis force.

Oppositely, in the case of a weak magnetic field, the
interaction of the stellar wind with the planetary ionospheric
envelope gives rise to a bow shock. The shock consists of
several intersecting shocks, one of which arises due to the
wind interaction with the gas stream from the inner
Lagrangian point L;, and others due to the immediate
interaction with the planetary atmosphere and the tail of
matter behind it. The magnetic field preserves its dipole
structure inside the Roche lobe. As the stellar wind magnetic
field, in this case, is weak and does not play any significant
dynamical role, the flow structure in the envelope is close to a
purely gas dynamic case.

Thus, the calculations discussed in Section 4 allow us to
conclude that a decrease in the stellar wind magnetic field
leads to bow shock formation. As hot Jupiters lie close to the
Alfvén point in the stellar wind, this, in particular, suggests
that even relatively small fluctuations in the streamlining flow
can lead to the disappearance or, oppositely, to the appear-
ance of shocks around the planet.

Consider now MHD features of the interaction of a CME
with an ionosphere of a hot Jupiter. The last line in Table 4
shows the change in the Alfvén Mach number

A n v By
I \/;; vy B
at different phases of the CME passage. As seen from Table 4,
the value of A changes nonmonotonically. In the first phase, 4
slightly exceeds the unperturbed value Ay; in the second
phase, 4 becomes smaller than the unperturbed value y;
and in the third phase, 2 sharply increases again to exceed the
unperturbed value /,, by a factor of three.

If the planet sits deep inside the sub-Alfvénic zone or,
oppositely, far in the super-Alfvénic zone, the character of
streamlining during the CME passage does not change. For a
strong wind magnetic field, the streamlining will be shockless,
and when the wind magnetic field is weak, the whole process
from the beginning to the end will be accompanied by the
formation of bow shocks. However, if the planetary orbit lies

close to the Alfvén point, the CME interaction with the
magnetosphere can be more complicated and intriguing. Let

(83)

us recall that this case should be widespread among hot
Jupiters [140].

Suppose that such a planet is close to the Alfvén point but
from the sub-Alfvénic side. Then, in the second phase, the
flow regime should remain shockless, because, in this phase,
the Alfvén Mach number is smaller than the unperturbed
value Ay. In the first and third phases, the Alfvén Mach
number, in contrast, increases relative to the unperturbed
value. Depending on the specific situation, this could be quite
sufficient for the flow velocity to exceed the fast magnetosonic
speed in the third CME phase or immediately in the first
and third phases. In the first case, in the third CME phase, a
bow shock emerges that disappears by the end of the process
when the system relaxes to the initial unperturbed state. In the
second case, the shock arises already in the first phase,
disappears in the second phase, then appears again in the
third phase, ultimately disappearing after CME passage.

Suppose now that a hot Jupiter is close to the Alfvén point
but from the super-Alfvénic side. Then, the flow regime can
change in the second phase of CME passage when the Alfvén
Mach number drops below the unperturbed value. This can
be quite enough to make the flow shockless when the
streamlining velocity gets smaller than the fast magnetosonic
speed, and the bow shock does not form. Due to the flow
regime change, the bow shock can ‘switch off” for some time,
to appear again after termination of the second phase of the
ejection.

The arising or disappearance of the shock can also lead to
observable effects. X-ray emission may be one of the shock
appearances. As seen from Fig. 55, the temperature in shocks
before the planetary envelope can be quite high (up to
1.5 x 10° K), with the mean thermal gas velocity (the sound
speed) being ~ 144 km s~!. The particle collision velocity at
the shock front also depends on the velocity jump at the front,
which is ~ 160 km s~! in the solution obtained. This gives the
mean particle collision velocity of ~ 300 km s~! at the shock
front passage. The collision of protons with such velocities
should give rise to hard X-ray emission with an energy of
~ 1 keV related to the shock.

Considering the relatively high luminosity of the bow
shock, its appearance/disappearance can be discovered by
X-ray observations of exoplanets during CME passages.
Such observations are presented in [208]. Observations of an
outburst in the CVSO 30 system hosting a hot Jupiter with a
mass of ~ 3.6M,,, and an orbital period of ~ 0.44 days were
performed in the soft (0.1-1 keV) and hard (1-9 keV) X-ray
bands. In the hard X-rays, a short-term luminosity decrease
was detected ~ 2.7 h after the flare beginning. Unfortunately,
the characteristics of the wind and the magnetic field of the
star CVSO 30 are unknown. However, it is possible to assume
that the observed X-ray dip could be related to the transition
of the flow around the hot Jupiter from the super-Alfvénic
to the sub-Alfvénic regime associated with the bow shock
disappearance. If this is the case, we can use these data to
probe the stellar wind. Indeed, dividing the planet-star
separation by the time before the dip appearance on the light
curve yields a mean velocity of ~ 60 km s~!, in agreement
with the wind velocity at such a distance for a solar-type star.
Paper [208] points out that AAVSO (American Association
of Variable Star Observers) data demonstrated an optical
eclipse of this star at this time.

Another possible observational appearance of the flow
transition from the shock to the shockless regime and back
may be related to a change in the charge exchange rate
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Figure 55. (Color online.) Temperature and density distribution in the
orbital plane of a hot Jupiter for the super-Alfvénic flow regime. Solution
is presented for the time 0.27P,4 from the beginning. Distances are
normalized to planetary radius Rp;.

between the stellar wind plasma and the gaseous atmosphere
of a hot Jupiter. The recharging process produces high-energy
particles in the gas and the corresponding broadening of the
absorption lines in the atmosphere of a hot Jupiter [68]. The
shock disappearance should decrease the density of the stellar
wind directly interacting with the hot Jupiter’s atmosphere
and correspondingly diminish the charge exchange rate.
Thus, the change in the absorption lines during CME
passage can provide additional information on the proper-
ties of the hot Jupiter’s atmosphere and the stellar wind
parameters.

Coronal mass ejections occur pretty frequently, especially
in young stars, and significantly affect the long-term evolu-
tion of hot Jupiters. As shown above, the passage through a
CME can lead to a short X-ray intensity drop or jump related
to the flow regime change near the hot Jupiter. This effect can
be potentially observed not only for transiting hot Jupiters,
thus offering a unique opportunity of discovering exoplanets
that cannot be detected by other means. In addition, analysis
of the X-ray flux variability enables estimating the stellar
wind parameters of distant stars, which is also challenging to
do by other means.

6. Conclusions

The results presented above demonstrate that atmospheres
and extended envelopes of hot Jupiters have been studied over
recent years by scientists from many (most) countries.
Together with active multiwavelength ground-based and
space observations, considerable effort has been undertaken
to develop numerical models of these objects. It is gratifying
to note that work by Russian scientists based on kinetic, gas-
dynamic, and MHD calculations has contributed signifi-
cantly to the studies of HJs and is recognized worldwide.

These investigations have already enabled solving
some fundamental issues about the physics, structure,
and dynamics of HJ envelopes. Therefore, we can summarize
the key results presented in the present paper as follows.

e Hot Jupiters possess giant quasi-stationary envelopes of
irregular form. Such envelopes are justified by the theoretical
estimates and numerical simulations presented in this paper

and confirmed by existing observational data. Properties of
the envelopes are determined by matter outflow from HJ
atmospheres because of heating by and gravitational interac-
tion with the nearby star and by interaction with the stellar
wind, which stabilizes the outflow and bounds the envelope
size. It is important to note that HJs differ from gas giants in
high orbits, first and foremost, by the presence of extended
gaseous and/or plasma envelopes.

e Theoretical estimates supported by the results of three-
dimensional numerical modeling suggest that three main
types of envelopes can form around hot Jupiters, depending
on the parameters. The first type includes closed envelopes
when the planetary atmosphere is inside its Roche lobe. The
second type comprises open envelopes produced by outflows
from the nearby Lagrangian points. Finally, it is possible to
distinguish quasi-closed envelopes of the intermediate class
when the dynamical pressure of the stellar wind blocks the
outflow outside the Roche lobe. Calculations show that, in
closed or quasi-closed envelopes, the mass-loss rate from hot
Jupiters turns out to be significantly lower than from open
envelopes.

e HJ envelopes are important because nonspherical and
sufficiently dense envelopes should affect the observed radia-
tion flux. No less important is the fact that the presence of an
envelope significantly determines the physics of the interac-
tion of stellar radiation and wind with the exoplanet. In
particular, extended envelopes cause the formation of a large
transitional region and thus increase the role of kinetic
processes in the physics of the HJ atmosphere. The results
presented above demonstrate that taking into account supra-
thermal photoelectrons in the aeronomic model decreases
by several times the atmospheric gas outflow rate. Such a
decrease can be responsible for incomplete loss of the primary
hydrogen-dominated atmosphere of exoplanets. In addition,
kinetic calculations correctly taking into account the heat
losses by suprathermal photoelectrons suggest that the heat-
ing efficiency by stellar radiation does not exceed 0.2 in the
thermosphere of hydrogen-dominated HJs. Calculations of
the heating efficiency of the upper atmosphere of HIs by
precipitating electrons show them to be more efficient in HJs
than in the planet Jupiter, reaching 17%.

e The results of 3D calculations and their comparison
with observations have revealed very complex dynamics of
envelopes. The close proximity of most HJs to the host stars
and their Roche lobe overflow leads to outflows through the
libration points L; and L,. Moreover, interaction with the
stellar wind, as a rule, occurs supersonically, leading to the
formation of a bow shock and the appearance of many
features in the flow structure. It is important to note that
calculations revealed a weak effect of the stellar radiation on
the envelope dynamics, because the matter is ionized and
poorly interacts with photons. At the same time, MHD
modeling results presented in the paper confirm the signifi-
cant influence of the proper magnetic field of HJs and the
stellar wind magnetic field on the obtained solutions. For
example, in the case of a strong magnetic field in the wind, a
new type of envelope can appear when the outflowing matter
moves towards the star along the wind magnetic lines.

e The envelopes around HJs can significantly change
the evolutionary status of these exoplanets. The results of
calculations presented in this paper suggest a strong effect
from stellar activity (flares and coronal mass ejections) on the
mass loss from HJs. Indeed, the HJ envelopes have large sizes
and are bound weakly gravitationally to the planet. There-
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fore, even a tangential interaction with a coronal mass
ejection fully destroys the envelope and leads to the loss of
the entire envelope mass. For HJs near young and active stars,
such losses can be comparable to the stationary mass loss due
to Roche lobe overflow.

Despite the progress in understanding the physics and
kinetics of HJ envelopes, this problem still has a significant
potential for development, both in observational and theor-
etical aspects.

Exoplanet studies are undoubtedly one of the most
relevant topics of modern astrophysics and general science.
For humankind, the possible existence of extraterrestrial life
beyond the Solar System is the most interesting issue. Bearing
this in mind, some sceptics believe that HJ studies are being
carried out using the ‘under light’ principle, because the
features of these exoplanets preclude the existence of any
forms of life there, but most observational data have been
acquired exactly for them. The presented results disprove this
statement and suggest that knowledge about HJ envelopes
can provide crucial information on the possibilities of the
appearance of life on other planets of systems with HJs. Let us
enumerate several points.

(1) Huge mass loss from HJ envelopes should affect the
chemical composition of the interplanetary medium, thus
determining the properties of the secondary atmospheres of
Earth-like planets.

(2) The giant planets, including HJs, mainly determine the
architecture of a planetary system. HJ migration, for various
reasons, including atmospheric outflows [209], affects the
structure of the potentially habitable zone in the planetary
system.

(3) The motion of HJs towards the star can lead to its
being engulfed and the appearance of a giant flare. Indeed, by
assuming that half of the orbital kinetic energy of an HJ
(~ 10% erg) will be converted into radiation and emitted over
one orbital revolution (during several days), the luminosity of
such a flare will be five orders of magnitude higher than the
solar one. Undoubtedly, the possibility of such a catastrophic
event and its effect on the atmospheres of Earth-like planets
should be carefully investigated.

(4) The devastating effect of stellar flares and CMEs on
the appearance and sustaining of life on Earth-like planets is
well recognized. However, if flares can be detected from
Earth (as was the case with the Kepler space telescope,
which discovered giant flares in solar-like stars), informa-
tion on the emergence and propagation of CMEs may be
obtained by inspecting the response of the HJ envelopes.
Moreover, studies of HJ envelopes around solar-type stars
provide information on stellar winds from such stars at
different evolutionary stages, enabling investigating (pre-
dicting) future stellar activity, including that of our Sun.

In addition, we note that the methods and models
elaborated for HJ studies can be applied to investigate other
exoplanets (including Earth-like ones) and will be in demand
so far as growing observational material after the launch of
new prospective space missions.

Presently, there are many observational projects aimed at
detecting and investigating exoplanets. Of special interest are
space projects that will be able to obtain high-resolution
spectra and light curves for transiting planets: HST (Hubble
Space Telescope), TESS (NASA’s Transiting Exoplanet
Survey Satellite), CHEOPS (ESA’s CHaracterizing ExO-
Planet Satellite), and Gaia. The HST mission is coming to an
end (it is assumed that it will cease operating in 2021), but, so

far, it has been obtaining important data on exoplanets,
including light curves and spectra in the near UV range
during transits. Unfortunately, the orbit of this telescope
precludes obtaining long time series of observations. The
TESS mission launched in 2018 can perform long uninter-
rupted and high-precision observations of light curves due to
its elongated orbit outside the Van Allen belts. The CHEOPS
mission launched at the end of 2019 will be able to measure
with high accuracy the light curves of stars with transiting
exoplanets. This will offer the opportunity to determine the
radii of transiting exoplanets with an accuracy of better than
10%. There are high expectations for the Gaia mission, which
can discover exoplanets from spectral and photometrical data.
The launch of several other space telescopes is envisaged
soon, fully or partially aimed at studying exoplanets. First
and foremost, we should mention here the launch of the 6.5-m
James Webb Space Telescope (JWST) planned in 2021. The
infrared camera of the JWST will enable observing transits of
HJs and other exoplanets with a high signal-to-noise ratio and
obtaining high-resolution spectra of transiting exoplanets.
The PLATO (ESA’s PLAnetary Transits and Oscillations of
stars mission) space telescope, planned for launch in 2026,
will fly near the Earth-Sun Lagrangian point L, and be
equipped with 26 cameras for photometric observations of
transiting exoplanets in a wide field of view. It is assumed that
this instrument will be able to measure the size of transiting
exoplanets with an accuracy of up to 3%. Approximately at
the same time, the WFIRST (Wide-Field InfraRed Survey
Telescope) is planned for launch. It is a wide-field infrared
telescope with a 2.4-m mirror to observe about 200 stars close
to the Sun. This instrument will be able to take images with a
contrast of 10~ using a coronograph and carry out spectro-
scopic observations. Finally, we should note the Russian
Spectrum-UF (WSO-UYV) space telescope to be launched in
2025. Spectrum-UF is a unique 1.7-m UV telescope with a
sensitivity matching the HST. In the next 10-15 years, it
will be unrivalled for UV observations. The mission features
enable carrying out for the first time unique observations of
exoplanets and their atmospheres. In particular, it will be
possible for the first time to successfully search for biomar-
kers, because many potentially important lines lie in the UV
range [210].

Forthcoming observations promise to provide a great deal
of new information on different exoplanets; clearly, most of
the data will be obtained for hot Jupiters. The interpretation
of the new data will require more developed models. Note
that this is a rare case in science evidencing a true symbiosis of
theoretical and experimental studies, providing conditions for
the correct interpretation of observations, and allowing the
formulation of new observational tasks. As for the develop-
ment of theoretical investigations, some ways to elaborate on
numerical models are straightforward, and only additional
resources (of a different kind) are required for their realiza-
tion. The necessary steps include, for example, accurately
taking into account the atmospheric chemistry; an increase
in the spatial resolution, enabling us to take into account
the effect of atmospheric processes on the envelopes and to
investigate envelope expansion into the interplanetary
medium; and taking into account magnetic viscosity. Some
developments, for example, the creation of hybrid models,
are not so obvious and require careful consideration of all
physical processes involved in HJ envelopes. Nevertheless, to
conclude, we can ascertain that, in the forthcoming years,
studies of the atmospheres and envelopes of hot Jupiters
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will remain topical and important and, moreover, will gain
additional impetus.
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